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Physical parameters of ionized gas directly related to star-forming regions
We can determine gaseous metallicity (O/H, N/O) in HII regions
This informs us of gas accretion and outflow histories on the galaxy evolutions

Shimakawa et al.1st report of MOSFIRE spectroscopy
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Direct estimate of Z needs [OIII]λ4364,
but [OIII]λ4364 is fainter by x30–150 than λ5007
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Familiar metallicity calibrations are empirically or theoretically determined
Different abundance measurements show different results
Despite this, these methods have been used also for distant galaxies so far

caused by the different H ii region abundance sets that were used
to calibrate the original P01 method and the updated version in
P05.

The direct Temethod is available for only 546/27,730 (2%) of
the galaxies in our SDSS sample. The [O iii] k4363 line is weak
and is usually only observed in metal-poor galaxies. The SDSS
catalog contains very few metal-poor galaxies because they are
intrinsically rare, compact, and faint (e.g., Terlevich et al. 1991;
Masegosa et al. 1994; van Zee 2000). Panel (10) of Figure 1
shows that a total of 477 Temetallicities is insufficient to obtain a
clear M-Z relation. Because we are unable to fit an M-Z relation
using Temetallicities, we do not consider the Temethod further in
this work.

The scatter in the M-Z relation is large for all metallicity cal-
ibrations; the rms residual about the line of best fit is 0.08–0.13.
The cause of the scatter in the M-Z relation is unknown. Our
comparison between the different metallicity calibrations shows
that differing the ionization parameter among galaxies does not
cause or contribute to the scatter. The ionization parameter is
explicitly calculated and taken into account in some metallicity
diagnostics (KD02; KK04; M91), but we do not see a reduction
in scatter for these methods. A full investigation into the scatter
in theM-Z relationwill be presented in S. L. Ellison et al. (2008, in
preparation).

We directly compare the best-fit M-Z curves for the nine
strong-line calibrations in Figure 2, including both P01 and P05.
The top panel shows the rms scatter in metallicity about themean
inmass bins of width!log (M /M!) ¼ 0:2. Themajor difference
between the M-Z curves is their position along the y-axis. The
curves with the largest y-intercept are all photoionization model
based (KK04; Z94; KD02; T04; M91). Among these photo-
ionization model metallicities, the agreement is #0.2 dex. This
agreement is within the margin of error typically cited for these
calibrations (#0.1–0.15 dex for each calibration). Some calibra-
tions consistently agree to within 0.1 dex (e.g., KK04 and Z94;
KD02 and M91). Comparisons between metallicities calculated
using these consistentmethods, such asKD02 andM91, are likely
to be reliable to within 0.1 dex. However, comparisons between
methods that show large disagreement (such as KK04 and P05)
will be contaminated by the large systematic discrepancy between
the calibrations.

The lowest curves in Figure 2 are the M-Z relations derived
using the empirical methods (i.e., P01, P05, and the two PP04
methods). These empirical methods are calibrated predominantly
via fits of the relationship between strong-line ratios and H ii re-
gion Te metallicities. There is considerable variation among the

y-intercept of these Te-basedM-Z relations; the P05method gives
metallicities that are #0.4 dex below the PP04 methods at the
highest masses, despite the fact that both methods are predom-
inantly based on H ii regions with Te metallicities. At the lowest
stellar masses, this difference disappears. The difference between
the empirical methods may be attributed to the different H ii re-
gion samples used to derive the calibrations. At the highest met-
allicities, the PP04methods utilize four H ii regions with detailed

TABLE 2

Robust Fits to the M-Z Relations for the Nine Strong-Line Metallicity Calibrations

ID a b c d rms Residuals

T04 ........................ $0.694114 1.30207 0.00271531 $0.00364112 0.12

Z94 ........................ 72.0142 $20.6826 2.22124 $0.0783089 0.13

KK04..................... 27.7911 $6.94493 0.808097 $0.0301508 0.10

KD02..................... 28.0974 $7.23631 0.850344 $0.0318315 0.10

M91....................... 45.5323 $12.2469 1.32882 $0.0471074 0.11

D02........................ $8.71120 4.15003 $0.322156 0.00818179 0.08

PP04 O3N2........... 32.1488 $8.51258 0.976384 $0.0359763 0.10

PP04 N2................ 23.9049 $5.62784 0.645142 $0.0235065 0.09

P01 ........................ 91.6457 $25.9355 2.67172 $0.0909689 0.12

P05 ........................ 41.9463 $10.3253 1.04371 $0.0347747 0.13

Note.—Robust fits are of the form y ¼ aþ bxþ bx2 þ bx3, where y ¼ log (O/H)þ 12 and x ¼ logM , whereM is the
stellar mass in solar units.

Fig. 2.—Robust best-fitM-Z relations calculated using the different metallicity
calibrations listed in Table 1, except the Te method. The top panel shows the rms
scatter inmetallicity about the best-fit relation for each calibration in 0.1 dex bins of
stellar mass. The y-axis offset, shape, and scatter of the M-Z relation differ sub-
stantially, depending on which metallicity calibration is used.
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Familiar metallicity calibrations strongly depend on physical conditions of ISM
The other ISM properties are difficult to estimate from observations
Observed line spectra come from various HII regions in galaxies

Electron density

Electron density 推定におけるメリットとデメリット 

誤差が大きい

２−５σ detection程度では誤差が

大き過ぎて測ったことにならない


波長分解能が必要

[OII] は特に


他のパラメーターに独立

電子温度に少し依存する以外は

基本的な物理量に依らず見積も

ることができる

SCIENCE CASES 
Error values of frequently-used line ratios and electron density

Typical significance of line detection MOIRCS: <2σ (stacking 10 data: 2σ) 
MOSFIRE: ~10σ (stacking 10 data: 20σ)
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U depends on age, metallicity, temperature, Ne Ne is insensitive to line ratios

scattered in ionization parameter and, perhaps, oxygen abun-
dance. Two of the observed H ii regions have extremely low
ionization parameters (Leo A +069!018 and +112!020); both
are extremely diffuse H ii regions located in the eastern half of the
galaxy. For +069–018, [O iii] k5007 is barely detected, indicating
that this H ii region has an extremely low ionization parameter.
Similar low-excitation spectra were seen in the faint H ii region
of another Local Group galaxy, Peg DIG (Skillman et al. 1997).
For PegDIG, the morphology (compact) and spectrum of the H ii
region is consistent with an ionizing flux of a single B0 star. In
Leo A, the Balmer line flux that is observed corresponds to ion-
ization by B0–O9.5 zero-age main sequence (ZAMS) stars for
each of the four H ii regions. It is thus possible that the IMF is
truncated (or incompletely sampled) or that these H ii regions are
evolved (aged). However, unlike Peg DIG, the low-excitation H ii
regions in Leo A are diffuse, amorphous structures; thus, it is also
possible that the long-slit observations do not sample fully the dif-
ferent ionization zones of theseH ii regions. In particular, if the ob-
servations are missing a significant fraction of the O++ ionization
zone, these H ii regionsmay be displaced significantly in Figure 4;
with additional [O iii], their location would shift significantly up-
ward and slightly to the right, possiblymoving them into the same
metallicity regime as the other two H ii regions.

Nonetheless, since the Balmer line fluxes of the H ii regions in
Leo A are consistent with radiation from lower mass, cooler O
and B stars, we examine further the effect of aging in the abun-
dance diagnostic diagram. In Figure 5weplace the low-metallicity
models [12þ log (O/H) ¼ 7:33] of Stasińska&Leitherer (1996)
in the diagnostic grid of Figure 4.As can be seen in Figure 5, aging
of H ii regions can introduce significant scatter in the abundance
diagnostic diagram as both the ionization parameter and shape of
the ionizing spectrum evolve (e.g., Stasińska & Leitherer 1996;
Olofsson 1997), Thus, once one allows for a large range of ion-
izing spectra and ionization parameter, H ii regions of a single
oxygen abundance can populate a large range of positions in this
diagnostic diagram. This is further emphasized in the bottom
panel of Figure 5, where the positions of theoretical H ii regions
with the same oxygen abundance as the models in the top panel
of the figure are shown with varying values of the electron tem-
perature and ionic fraction.

While the results of Figure 5 may appear to suggest that
strong-line ratios alone are not adequate to determine an empiri-
cal oxygen abundance, it is important to recall that the empirical
scheme of McGaugh (1991) (and others) relies on a limited range
of radiation field and a tight coupling between electron temper-
ature and ionic fraction. Since both the spectrum of the ionizing
radiation and the ionization parameter affect the ionic fraction, if
the ionizing radiation is not held fixed (e.g., ZAM stars with a
fully populated IMF), then there is a larger scatter for a given
abundance. However, these parameters are likely a reasonable
approximation for most high surface brightness H ii regions, and
thus the photoionization models do yield reasonable estimates
of the oxygen abundance in most instances. Rather, the issue of
varying the ionizing radiation only becomes significant for low-
excitation H ii regions. In fact, the tight correspondence between
the isometallicity contours and the location of the H ii regions in
GR 8 in Figure 4 suggests that log (O32) $ !0:4 could serve as
a guideline for a lower limit of the utility of the R23 calibration.

In any event, whether the H ii regions in Leo A are evolved,
were formed with a truncated IMF, or were incompletely sam-
pled by the observations, it is likely that the model grid shown in
Figure 4 is not optimal for their analysis and interpretation. Thus,
we caution that it is premature to speculate on possible oxygen
abundance variations in Leo A; in particular, the planetary neb-

ula has an oxygen abundance similar to the estimated abundances
of the other two (higher excitation)H ii regions [12þ log (O/H) %
7:46]. In fact, while we cannot rule out oxygen abundance var-
iations, all of the H ii region spectra in Leo A are consistent with
the oxygen abundance determined in the bright planetary nebula
(see x 4.1).

3.3. Semiempirical Relative Abundance Measurements

3.3.1. H ii Regions in Leo A

The [O iii] k4363 line was not detected in any of the other
Leo A H ii region spectra. Thus, we adopt a ‘‘typical’’ electron
temperature of 15;000 & 2500 K to enable analysis of nitrogen,
neon, sulfur, and argon abundances. While we have no represen-
tative H ii regions with measured Te in this galaxy to use as a
basis for this value, there is a general anticorrelation between elec-
tron temperature and oxygen abundance because low-metallicity
gas is cooled less efficiently (e.g., McGaugh 1991). Thus, even

Fig. 5.—Top: Model grid of the lower branch of the R23 relation from
McGaugh (1991; solid and dotted lines). The results of models of H ii regions
from Stasińska & Leitherer (1996) covering ages ranging from 1 to 10 Myr are
shown for 12þ log (O/H) ¼ 7:33. Large symbols denote the value for age ¼
1 Myr; time steps are 1 Myr intervals. The models include a range of ionization
parameters and upper limits for the IMF; filled symbols are forM (up) ¼ 100 M',
and open symbols are for M (up) ¼ 50 M'. While the models of young H ii re-
gions (age<3Myr) follow the relationships ofMcGaugh (1991), older H ii regions
appear to show higher oxygen abundance in these diagnostic diagrams. Bottom:
Same as the top, with a grid denoting the positions of H ii regions for a single
abundance of 12þ log (O/H) ¼ 7:33, with a range in electron temperature and
ionic fractions. Clearly, a large range in the diagnostic diagram is allowed. The em-
pirical abundance calibrations rely on a very close relationship between temperature
and ionic fraction, which is determined by both the spectrum of the ionizing ra-
diation and the ionization parameter. Variations from this relationship (introduced
by either truncating the IMF or aging the ionizing cluster) result in large depar-
tures from the oxygen abundance loci in the diagnostic diagram.

O AND N IN LEO A AND GR 8 277No. 1, 2006
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Theoretical analysis (photoionization model) is based on individual HII region
In practice, galaxies retain various ionized gases with different ionization states
Scaling relation from radiation field to flux-weighted spectra will vary with galaxies

Ionization state of ISM in galaxies 907

Figure 4. From top to bottom, dependence of [O III]/[O II] on M∗, SFR,
sSFR, and µ0.32. The symbols and colours are the same as those used in
Fig. 2.

‘3rd quantity’ hereafter. A bin size of a subsample is 0.15 dex in
the 3rd quantity. For a given subsample, we calculate a median
[O III]/[O II] ratio of galaxies in a range of !log R23 = 0.1. We
use subsamples with >50 galaxies for our analysis. The left panels
of Fig. 5 show the subsamples of M∗, SFR, sSFR, and µ0.32 on the
[O III]/[O II] versus R23-index plane. Fig. 5 indicates that the relation
between [O III]/[O II] and R23-index depends on the galaxy global
properties. A high [O III]/[O II] ratio can be found in less massive,
more efficiently star-forming, and probably more metal-poor galax-
ies (Dopita et al. 2006a). We introduce a parameter, ζ β ($), which
combines R23-index and one of the 3rd quantities:

ζβ ($) = log(R23) − β × $, (8)

where β is a free parameter and $ = log (M∗/1010 M⊙),
log (SFR/M⊙ yr−1), log (sSFR/Gyr−1), and (µ0.32 − 10.0) for a
3rd quantity of M∗, SFR, sSFR, and µ0.32, respectively. We calcu-
late a scatter of the SDSS subsamples in the relation of [O III]/[O II]
and ζ β ($) by varying β for each of the 3rd quantities, $. As a
result, the scatter is minimized at β = (0.12, − 0.07, − 0.15, 0.25)
for $ of (M∗, SFR, sSFR, µ0.32). The right panels of Fig. 5 present
our SDSS galaxies on the [O III]/[O II] and ζ β ($) plane. The median
values of the SDSS subsamples are fitted by a quadrature:

log([O III]/[O II]) = a0 + a1ζβ ($) + a2ζ
2
β ($), (9)

where a0 − a2 are free parameters. The best-fitting parameters
are given in Table 2. We show the best-fitting quadratures in the
right panels of Fig. 5. These plots suggest that the 3rd quantity can
reduce the systematic dispersions. However, it is unclear whether
the new parameter of β reduces the dispersion by a physical reason
or a simple statistical reason. Here we use µα defined in equation
(1) as a 3rd quantity and search for an optimal combination of
M∗ and SFR by varying parameters of both α and β.9 Note that
the parameter α denotes the best combination of M∗ and SFR for
metallicity (Mannucci et al. 2010), while the parameter β defines
the best combination of these quantities for both metallicity and
ionization parameter. Based on equation (8) with $ = (µα − 10.0),
we calculate χ2 of the free parameters, α and β. Here we assume
that 1σ [O III]/[O II] dispersions of our subsamples are originated
from measurement errors. These 1σ dispersions are used to obtain
the χ2 values.

Fig. 6 shows χ2 values of α and β. The minimum χ2 is pro-
vided by the parameters of (α, β) = (0.29, 0.25). The best-fitting
parameters are α = 0.29+0.04

−0.26 and β = 0.25+0.06
−0.12. Interestingly, the

best-fitting value of α = 0.29+0.04
−0.26 is consistent with the one of the

FMR (α = 0.32). Thus, µ0.32 (µα for α = 0.32) is the best 3rd quan-
tity to describe the relation. Moreover, we have newly constrained
the β parameter that is tightly related to ionization parameter. The
best-fitting β rules out β = 0 at the >95 per cent confidence level.
The results of our analysis suggest that ionization parameters given
with the [O III]/[O II] versus R23-index diagram is important to char-
acterize galaxies, and that ionization parameters are closely related
to the galaxy global properties of M∗ and SFR as well as metallicity.

We compare our various galaxy samples with the best-fitting
function of the SDSS galaxies in Fig. 7. This figure is the same as
the bottom right panel of Fig. 5, but with high-z galaxies and local
extreme populations, GPs, LBAs, and the LyC leakers. Although the

9 Although µα does not represent a function of SFR with no dependence
of M∗, we have found in our analysis that a ζ function with $ = $(SFR)
provides the best-fitting value of β ≃ 0 (Table 2), which indicates that a SFR
alone does not reduce the scatter of the SDSS galaxy distribution.

MNRAS 442, 900–916 (2014)
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More active star formation per unit area leads to higher U and Ne
* Specific SFR strongly correlates with SFR surface density (Shimakawa+15)
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Recent studies imply that star-forming activities mainly control the scaling relation
High spatial resolution (<100pc) by TMT is needed to identify the scaling relation

Ionized gas is mixed with composite HII regions at various ages
Heating from older populations (diffuse ionized gas)

Scaling relation is needed to idenfity mean ISM condition from composite ionized regions

GPs, LAEs (t<100Myr)

may be scaled by a HII region

Massive galaxies

whose spectra are luminosity-weighted
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High-z galaxies offset from the local sequence on the BPT diagram
Metallicity estimations would be also different from local calibrations
The scaling relation would significantly change depending on redshift
However, redshift evolutions of ISM physical parameters remain unresolved
Current surveys have insufficient sample size (~1k) to measure Te for each population

12 Steidel et al.

FIG. 5.— “BPT” diagram for 219 objects with hzi = 2.34± 0.16 in the KBSS-MOSFIRE survey (large points with error bars) in comparison with the SDSS
(z ' 0) sample (e.g., Tremonti et al. 2004; locus of gray points). The 168 objects with measurements in both [NII]/H↵ and [OIII]H� are indicated with dark
green points, while an additional 51 galaxies with [OIII]/H� detections and upper limits (2�) for [NII]/H↵ are light triangles with left-pointing arrows. The red
curves trace the “metallicity sequence” of SDSS star-forming galaxies, showing the expected location of galaxies in the BPT plane for oxygen abundances of
0.2-1.0 solar – the solid curve is based on the calibration of Maiolino et al. (2008), while the dashed curve represents the same metallicity sequence implied by
the strong-line calibration of Kewley & Ellison (2008). Both curves have been adjusted to the N2 metallicity scale of PP04 for consistency. The blue solid curve
is the “maximum starburst” model of Kewley et al. (2001). The orange curve is the best-fit BPT sequence for the KBSS-MOSFIRE sample (equation 9) , with
the yellow shaded region tracing the inferred intrinsic dispersion of ±0.1 dex. Eight objects among the 219 have been identified as AGN based on their rest-UV
and/or rest-optical spectra (see discussion in section 5); these are indicated with magenta “stars”. AGN identified by both rest-UV and rest-optical spectra are
indicated by circles surrounding the stars.

lar extinction, accurate relative flux calibrations, and the well-
known non-monotonic behavior of the line indices.

Figure 6 illustrates the problem in the context of the z ⇠
2.3 sample: using locally-established metallicity calibrations
leads to systematically different metallicities even for the
closely-related N2 and O3N2 methods (both calibrations from
PP04), which were calibrated primarily using the “direct” or
“Te” method and the same set of local H II regions. Interest-
ingly, the scatter in the locus of inferred metallicities for the
z ⇠ 2.3 sample remains small ( <⇠ 0.04 dex after accounting
for the contribution of measurement errors to the observed
scatter), suggesting that a re-calibration at high redshift of

the strong-line indicators may produce an equally good, al-
beit different, mapping of metallicity to strong line intensity
ratios23. The linear regression in Figure 6 serves as an initial
estimate of how the conversion might work at z⇠ 2.3; it will
be used in section 7 below.

The question remains whether either of the estimates of
12 + log (O/H) is reliable when applied to galaxies at z' 2.3;
the answer depends strongly on what factor is primarily re-
sponsible for the shift in the BPT sequence at z ⇠ 2.3, and

23 In section 4.5, we revisit the calibrations of the PP04 N2 and O3N2
metallicity relations and their implications for the high-redshift sample.
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Figure 2. Illustration of the effect of varying different galaxy parameters on
the star-forming galaxy abundance sequence in the [N ii]/Hα vs. [O iii]/Hβ
diagnostic diagram. The original SDSS star-forming galaxy sequence is well fit
by the red theoretical curve. Raising the hardness of the ionizing radiation field
(orange dashed line) moves the abundance sequence toward larger [N ii]/Hα and
[O iii]/Hβ ratios. A similar effect is seen when the electron density of the gas is
raised (green dot-dashed line). The relationship between ionization parameter,
metallicity and the [N ii]/Hα and [O iii]/Hβ line ratios is more complex. At
high metallicities, raising the ionization parameter causes the [N ii]/Hα ratio
to become smaller, while [O iii]/Hβ is largely unaffected. At low metallicities,
raising the ionization parameter raises the [O iii]/Hβ ratio while [N ii]/Hα is
largely unaffected.
(A color version of this figure is available in the online journal.)

(100–200 km s−1) associated with galactic-scale winds have
been observed both locally (Rich et al. 2010, 2012) and at high
redshift (Yuan et al. 2012). We address these two possibilities
in Sections 4 and 5.1.

It is unclear whether high redshift star-forming galaxies have a
harder radiation field than local galaxies at the same metallicity.
If a harder ionizing radiation field exists in high redshift galaxies,
both the [O iii]/Hβ and [N ii]/Hα line ratios will be affected. A
larger fraction of photons with energies above the ionization
potentials of [N ii] and [O iii] will raise the [N ii]/Hα and
[O iii]/Hβ line ratios because there are more photons available
to ionize nitrogen and oxygen. The [O iii] emission-line is
substantially more sensitive to the hardness of the EUV ionizing
radiation field than [N ii] because the difference in ionization
potentials is large (35 eV, cf. 14.5 eV). In Figure 2, we illustrate
the effect of raising the hardness of the ionizing radiation field
in galaxies along the local abundance sequence (orange dashed
line). The harder radiation field moves the entire abundance
sequence above and to the right on the BPT diagram. A harder
ionizing radiation field could account for part (or all) of the large
[N ii]/Hα and [O iii]/Hβ ratios seen at high redshift.

3.2.2. Geometrical Distribution of the Gas

The geometrical distribution of the gas around the ionizing
source can be changed by shocked stellar winds. Stellar winds
clear ionized gas from the interior of an H ii region. Because
highly ionized species, such as [O iii], form preferentially at the
inner radii of H ii regions, shocked stellar winds will lower the
effective ionization parameter of the nebula (Yeh & Matzner
2012).

Our theoretical photoionization models assume a uniform
medium, where the geometrical distribution of the gas is
approximated by a volume filling factor. In reality, H ii regions
may be clumpy and porous. Ultracompact H ii regions in the
Milky Way contain a porous ISM (Kurtz et al. 1999; Kim &
Koo 2001). Radio observations indicate that young H ii regions
in low metallicity galaxies also have a clumpy and porous
distribution of gas (Johnson et al. 2009). A clumpy, porous
medium allows some ionizing photons to escape the nebula
without being absorbed by the interstellar gas. In this scenario,
the effective ionization parameter may be lowered, depending
on the escape fraction and the optical thickness of the porous
medium.

Our models are calculated for radiation-bounded H ii regions.
In the radiation-bounded scenario, the model completes when
hydrogen is completely recombined. If H ii regions are density
bounded (i.e., the H ii region density is sufficiently low that the
stars can ionize the entire nebula), the [O iii] ionization zone
is likely to be largely unaffected, but the [N ii] excitation and
Hydrogen recombination zones may be shortened. Therefore,
the [O iii]/Hβ ratio may be larger, while the [N ii]/Hα ratio will
be similar to or smaller than observed in a radiation-bounded
nebula. Since the [O ii] zone is shorter in a density-bounded
nebula, the [O iii]/[O ii] ratio becomes larger. If radiation-
bounded models are applied to such nebulae, then the larger
[O iii]/[O ii] line ratio would be interpreted as a high ionization
parameter.

Detailed ionization parameter mapping of the H ii regions
in nearby galaxies can constrain whether the H ii regions are
radiation bounded or density bounded. A mixture of radiation-
bounded and density-bounded H ii regions have been observed
in the local group (Pellegrini et al. 2012). Nakajima et al. (2013)
suggest that Lyα emitters at high redshift contain density-
bounded H ii regions. It is unclear whether density-bounded
nebulae are common in normal star-forming galaxies, either
locally or at high redshift.

The geometrical distribution issues described above can be
considered in terms of an effective ionization parameter. We
discuss the effect of changing the ionization parameter on the
[N ii]/Hα and [O iii]/Hβ line ratios in Section 3.2.5.

3.2.3. The Metallicity Range of Galaxies

The spread in metallicity across a galaxy sample determines
the length of the star-forming abundance sequence. Galaxy
samples that span a small range of metallicities occupy only
a portion of the star-forming abundance sequence. For example,
interacting or merging galaxies typically have lower central
metallicities due to large-scale gas infall (Kewley et al. 2006a,
2010; Rupke et al. 2010b; Ellison et al. 2010; Rich et al. 2012;
Scudder et al. 2012). On the other hand, low metallicity galaxies,
such as blue compact dwarfs, occupy the highest positions
(lowest metallicities) on the star-forming abundance sequence
(Levesque et al. 2010).

The metallicity range of high redshift galaxies is unknown.
Samples selected from rest-frame blue colors or the Lyman
break may be missing a population of faint, low metallicity
galaxies and a population of dusty, metal-rich star-forming
galaxies. Gravitationally lensed samples probe fainter galaxy
samples and a broader range of metallicities, within current
instrumentation detection limits (see Figure 5 in Yuan et al. 2012
for a comparison of current instrumentation detection limits for
lensed and non-lensed samples).
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Figure 9. Median size as a function of stellar mass and redshift for early-type galaxies (left) and late-type galaxies (right). SDSS data points based on (Guo et al. 2009)
are shown as open points. Fits to the median sizes of the form Reff/kpc = Bz(1 + z)βz and BH (H (z)/H0)βH are shown by dotted and solid lines, respectively. The
evolution of the early-type galaxies is independent of mass at M∗ > 2 × 1010 M⊙: massive galaxies evolve fast and have a steep size–mass relation at all redshifts,
while the relation flattens out at lower masses (!1010M⊙) and evolves less rapidly. The evolution of the late-type galaxies is overall slower and does not depend
strongly on mass. The low-mass early-type galaxies evolve at the roughly the same pace as the late-type galaxies. The median sizes and fitting results are given in
Table 2.

from Barden et al. (2012)—as used in this paper. We shift
the analytical descriptions of the size–mass relations from
Shen et al. (2003) according to the measured, systematic offset
between Shen et al. (2003) and Guo et al. (2009). This amounts
to a 0.1 dex shift to larger Reff than Shen et al. (2003).18

In order to be conservative, we also adopt 0.1 dex as the
systematic uncertainty. We show the inferred sizes for local
galaxies in Figure 9. The median size evolution traced out by the
3D-HST/CANDELS data predicts z ∼ 0 sizes that are consistent
with our adjusted Shen et al. (2003) median sizes.

The picture provided by median size distributions is con-
sistent with our analytical description (Section 3.1), with fast
evolution for the (massive) early types and moderate evolution
for the late types. In addition, we see that the flattening of the
relation for low-mass early types coincides with slower evo-
lution. Interestingly, low-mass early-type galaxies evolve at a
similar same rate as late types of the same mass. For the late
types we see a mild dependence on mass: the more massive late
types evolve slightly faster than the less massive late types. For
further discussion, see Section 5.

3.3. Skewness in the Reff Distribution of Late-type Galaxies

The 16- and 84-percentile range for late-type galaxies is not
precisely centered on the median size (Figure 8 and Table 2),
implying a skewness in the size distribution. To examine this
further, we show size distribution histograms for a set of mass
and redshift bins in Figure 10. The asymmetric size distribution
for late-type galaxies is due to a tail of small galaxies. The
small sizes are not due to pointlike contributions from active
galactic nucleus (AGN): the 1–10 µm photometry of these
objects does not show the power law SEDs that are characteristic
for unobscured AGN.

As a result of this skewness, there is substantial overlap
between the size distributions of early types and late types and
no clear bimodality, despite large differences in the average
sizes. Figure 11 shows more clearly than Figure 10 that the

18 Note that we use major axis Reff in this paper, as opposed to Shen et al.
(2003), who use circularized radii

size distributions of the two types overlap at all redshifts, up to
z ∼ 3.

Figure 10 also shows tails of large early-type galaxies.
However, this can likely be attributed to misclassification: their
number is always an order magnitude smaller than the number of
late-type galaxies with similar sizes, consistent with the assumed
misclassification probability in our analysis in Section 3.1. We
note that the tail of small late-type galaxies is not consistent with
the expected number of misclassificated objects: its prominence
appears to be unrelated to the early-type population.

As an illustration that the size distribution for both early-
and late-type galaxies evolve smoothly and regularly, we
fit Hermite–Gaussian functions to the histograms shown in
Figure 10. This provides a reasonable description of all red-
shift and mass bins.

For a discussion of the implications of these results in the
context of previous results, we refer to Sections 4.2 and 5.2.

4. COMPARISON WITH PREVIOUS RESULTS

4.1. Late-type Galaxies

The results for size evolution of late-type galaxies shown
in Figures 6 and 9 are consistent with most other recent
measurements that focus on the z = 1–2 redshift range (e.g.,
Franx et al. 2008; Buitrago et al. 2008). Williams et al.
(2010) found somewhat faster evolution for late types (and
slower evolution for early types), but a direct comparison with
their Figure 4 reveals that their size measurements and our
measurements are in fact fully consistent over the redshift range
0.5 < z < 1.5. The difference in the quoted pace of evolution
is likely the result of the increased dynamic range in redshift
probed here, in addition to the use of a low-redshift comparison
sample from the SDSS (see Section 3.2).

Thus, like previous studies focusing on the z = 1–2 redshift
regime, we find that the pace of evolution for late-type galaxies is
intermediate to the slow evolution of disk galaxies at z < 1 (Lilly
et al. 1998; Ravindranath et al. 2004; Barden et al. 2005) and
the fast evolution of UV-selected galaxies at z > 2 (Giavalisco
et al. 1996; Ferguson et al. 2004; Oesch et al. 2010; Mosleh

11

9

Fig. 7.— Our parameterization for the redshift evolution of the SFR−M∗ sequence of all galaxies. We start with Equation 2 (shown in
the upper left) which is described by three free parameters: a power-law of slope γ at low masses which asymptotically approaches a peak
star-formation rate s0 at high masses with M0 being the transition mass between the two behaviors. On the right we show these best-fitting
parameters vs. redshift and results from the fitting procedure described in Section 3. The panel on the left shows the the corresponding
redshift-parameterized SFR−M∗ relations at the central redshift of each bin with points showing the stacked measurements from Figure 3.

galaxies at low-z. Therefore, we repeat this analysis for
a sample of actively star-forming galaxies selected based
on rest-frame (U−V) and (V−J) colors (see Section 2.4).
Evolution in M0 is still apparent; results are shown in Fig-
ure 8. In Figure 9 we compare our measured values of the
turnover mass to those of Lee et al. (2015) and Tasca et al.
(2015).

Star − Forming :

s0 = 0.448 + 1.220z − 0.174z2

log(M0) = 9.458 + 0.865z − 0.132z2

γ = 1.091

(4)

We remind the reader that these parameterizations may
not extrapolate well outside of the redshift and/or stellar
mass ranges used here. Nevertheless, our low-mass slope of
γ ∼ 1 is consistent with the relative constancy of the low-
mass slope α ∼ −1.5 of the SMF (Tomczak et al. 2014);
if γ deviated significantly from unity then α would be ex-
pected to evolve strongly with redshift (Peng et al. 2010;
Weinmann et al. 2012; Leja et al. 2015).
Figure 8 shows that (s0, M0, γ) follow similar trends

with redshift between the star-forming and total samples
indicating that the presence and evolution of the turnover
mass is intrinsic to the star-forming population and is not
simply due to a growing quiescent population diluting the
star-formation rates at the high mass end. We also point

out that the apparent similarity in the fitted parameters
does not suggest a redshift-independent quiescent fraction;
in fact, the difference between the SFR-M* relations at
between the star-forming and the total sample are roughly
consistent with the evolution of the quiescent fraction as
derived from the Tomczak et al. (2014) mass functions,
and assuming negligible star formation in the quiescent
galaxies.

4. INFERRING STELLAR MASS GROWTH

4.1. Growth of the Stellar Mass Function

The growth of galaxies as predicted from the SFR−M∗

relation can be compared directly to the evolution of the
stellar mass function. Leja et al. (2015) performed such an
analysis using stellar mass functions from Tomczak et al.
(2014) and SFR−M∗ relations from Whitaker et al. (2012)
finding that the inferred growth from star-formation
greatly over-predicts the observed number densities of
galaxies, even on short cosmic timescales (< 1 Gyr). Those
authors suggest that the SFR−M∗ relation must have a
steeper slope (α ! 0.9) at masses below 1010.5 M⊙ at
z < 2.5, which is consistent with measurements from this
work and recent literature (Whitaker et al. 2014; Lee et al.
2015; Schreiber et al. 2015).
Thus, we perform the same comparison using our up-

dated SFR−M∗ relation. At each stellar mass for a given
SMF at a given redshift, SFRs are calculated from the pa-
rameterized SFR−M∗ relation for all galaxies (Equations
2 and 3). In times steps of 80 Myr each mass bin is shifted
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Figure 1. Number of galaxies and direct method metallicity as a function of M⋆ and SFR. The squares represent each M⋆–SFR stack, the number of galaxies is
indicated by the white text, and the color scale corresponds to the metallicity. For reference, the Tremonti et al. (2004) MZR covers log(M⋆) = 8.5–11.5, and the
Mannucci et al. (2010) FMR spans log(M⋆) = 9.1–11.35 and log(SFR) = −1.45 to 0.80.
(A color version of this figure is available in the online journal.)

Figure 2. Sample spectra from the log(M⋆) = 8.7–8.8 (Ngal = 884) stack. From left to right, the three columns show the [O iii] λ4363, [N ii] λ5755, and [O ii] λλ7320,
7330 auroral lines. From top to bottom, the four rows correspond to the reduced spectrum of a single galaxy, the spectrum of the stack, the spectrum of the stack after
the removal of the stellar continuum (fit from 3700–7360 Å), and the spectrum of the stack after the removal of the stellar continuum (fit to a 200 Å window near the
emission line of interest). The continuum rms of each spectrum near the relevant emission line is given in the inset of each panel.

This interpolation scheme conserves flux in part because the
wavelength spacing of the grid is narrower than the width of
bright emission lines. The spectra were then normalized to the
mean flux from 4400–4450 Å. Finally, the spectra were co-added
(i.e., we took the mean flux in each wavelength bin) to form the
stacked spectra (see Section 4 for comparisons between the
electron temperatures and metallicities of stacks and individual
galaxies).

Figure 2 shows the S/N increase of the [O iii] λ4363 (left
column), [N ii] λ5755 (middle column), and [O ii] λλ7320,
7330 (right column) lines as the spectra are processed from a
typical single galaxy spectrum (top row) to the stacked spectrum
(second row) to the stellar continuum subtracted spectrum (third
row; see Section 2.3) or the narrow wavelength window stellar
continuum subtracted spectrum (bottom row; see Section 2.3).
The spectra in the top row are from a typical galaxy in
the log(M⋆) = 8.7–8.8 bin; the bottom three rows show the
stacked spectra from the same bin. In each panel, we report
the continuum root mean square (rms). The decrease in the
continuum noise when comparing the spectra in the top row to
the second row of Figure 2 is dramatic. Further significant noise
reduction can be achieved by removing the stellar continuum
(shown in the bottom two rows of Figure 2), as we describe in
Section 2.3.

2.3. Stellar Continuum Subtraction

Stacking the spectra increases the S/N, but it is important to
fit and subtract the stellar continuum to detect and accurately
measure the flux of these lines, especially [O iii] λ4363 due to its
proximity to the Hγ stellar absorption feature. We subtracted the
stellar continuum with synthetic template galaxy spectra created
with the starlight stellar synthesis code (Cid Fernandes et al.
2005), adopted the Cardelli et al. (1989) extinction law, and
masked out the locations of the emission lines. The synthetic
spectra were created from a library of 300 empirical miles
spectral templates (Sánchez-Blázquez et al. 2006; Cenarro et al.
2007; Vazdekis et al. 2010; Falcón-Barroso et al. 2011, data
as obtained from the miles Web site2). The miles templates
provided an excellent fit to the stellar continuum (see bottom two
rows of Figure 2). We note the miles templates yielded better
fits to the very high S/N spectra than the Bruzual & Charlot
(2003) spectral templates, based on the stelib (Le Borgne et al.
2003) library.

We performed stellar template fits to the entire spectral
range, select subregions centered on weak lines of interest,
and subregions around the strong lines blueward of 4000 Å.

2 http://miles.iac.es/
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Figure 1. Number of galaxies and direct method metallicity as a function of M⋆ and SFR. The squares represent each M⋆–SFR stack, the number of galaxies is
indicated by the white text, and the color scale corresponds to the metallicity. For reference, the Tremonti et al. (2004) MZR covers log(M⋆) = 8.5–11.5, and the
Mannucci et al. (2010) FMR spans log(M⋆) = 9.1–11.35 and log(SFR) = −1.45 to 0.80.
(A color version of this figure is available in the online journal.)

Figure 2. Sample spectra from the log(M⋆) = 8.7–8.8 (Ngal = 884) stack. From left to right, the three columns show the [O iii] λ4363, [N ii] λ5755, and [O ii] λλ7320,
7330 auroral lines. From top to bottom, the four rows correspond to the reduced spectrum of a single galaxy, the spectrum of the stack, the spectrum of the stack after
the removal of the stellar continuum (fit from 3700–7360 Å), and the spectrum of the stack after the removal of the stellar continuum (fit to a 200 Å window near the
emission line of interest). The continuum rms of each spectrum near the relevant emission line is given in the inset of each panel.

This interpolation scheme conserves flux in part because the
wavelength spacing of the grid is narrower than the width of
bright emission lines. The spectra were then normalized to the
mean flux from 4400–4450 Å. Finally, the spectra were co-added
(i.e., we took the mean flux in each wavelength bin) to form the
stacked spectra (see Section 4 for comparisons between the
electron temperatures and metallicities of stacks and individual
galaxies).

Figure 2 shows the S/N increase of the [O iii] λ4363 (left
column), [N ii] λ5755 (middle column), and [O ii] λλ7320,
7330 (right column) lines as the spectra are processed from a
typical single galaxy spectrum (top row) to the stacked spectrum
(second row) to the stellar continuum subtracted spectrum (third
row; see Section 2.3) or the narrow wavelength window stellar
continuum subtracted spectrum (bottom row; see Section 2.3).
The spectra in the top row are from a typical galaxy in
the log(M⋆) = 8.7–8.8 bin; the bottom three rows show the
stacked spectra from the same bin. In each panel, we report
the continuum root mean square (rms). The decrease in the
continuum noise when comparing the spectra in the top row to
the second row of Figure 2 is dramatic. Further significant noise
reduction can be achieved by removing the stellar continuum
(shown in the bottom two rows of Figure 2), as we describe in
Section 2.3.

2.3. Stellar Continuum Subtraction

Stacking the spectra increases the S/N, but it is important to
fit and subtract the stellar continuum to detect and accurately
measure the flux of these lines, especially [O iii] λ4363 due to its
proximity to the Hγ stellar absorption feature. We subtracted the
stellar continuum with synthetic template galaxy spectra created
with the starlight stellar synthesis code (Cid Fernandes et al.
2005), adopted the Cardelli et al. (1989) extinction law, and
masked out the locations of the emission lines. The synthetic
spectra were created from a library of 300 empirical miles
spectral templates (Sánchez-Blázquez et al. 2006; Cenarro et al.
2007; Vazdekis et al. 2010; Falcón-Barroso et al. 2011, data
as obtained from the miles Web site2). The miles templates
provided an excellent fit to the stellar continuum (see bottom two
rows of Figure 2). We note the miles templates yielded better
fits to the very high S/N spectra than the Bruzual & Charlot
(2003) spectral templates, based on the stelib (Le Borgne et al.
2003) library.

We performed stellar template fits to the entire spectral
range, select subregions centered on weak lines of interest,
and subregions around the strong lines blueward of 4000 Å.

2 http://miles.iac.es/

4

[OIII]λ4364



PFS-SSP Galaxy Survey Workshop 2015   —  Rhythm Shimakawa  

����A%# <6�10A���<����0�A�% �� #��# 1&A%�#�A&�%A�

Example; Andrews & Martini 2013
Revised M-Z relation and fundamental metallicity relation
Previous works combined several empirical measurements

The Astrophysical Journal, 765:140 (23pp), 2013 March 10 Andrews & Martini

Figure 12. The direct method fundamental metallicity relation for the M⋆–SFR
stacks (circles color-coded by SFR). The coefficient (0.66) on log(SFR) in the
abscissa minimizes the scatter in the FMR (see Equation (1)). The black line
shows a linear fit to the data, with a slope of 0.43.
(A color version of this figure is available in the online journal.)

galaxies per stack coupled with the large intrinsic dispersion in
the individual galaxy metallicities.

5.3. The Fundamental Metallicity Relation

The orientation of the M⋆–Z–SFR relation captures the impor-
tance of SFR as a second parameter to the MZR (Lara-López
et al. 2010; Mannucci et al. 2010). Mannucci et al. (2010) es-
tablished the convention that the FMR is the projection of least
scatter found by choosing a free parameter α that minimizes the
scatter in the metallicity versus µα ≡ log(M⋆) − α log(SFR)
plane (Equation (1)). Mannucci et al. (2010) found a value of
α = 0.32 for a sample of SDSS galaxies with metallicities de-
termined with the semi-empirical calibration of Maiolino et al.
(2008). As metallicity estimates are well known to vary sub-
stantially between different methods, the parameter α may also
be different due to potentially different correlations between
the inferred metallicity and the SFR. For example, Yates et al.
(2012) used the T04 metallicities, rather than those employed
by Mannucci et al. (2010), and found a lower value of α = 0.19.

Figure 12 shows the FMR for the M⋆–SFR stacks (circles
color-coded by SFR). The scatter in metallicity at fixed µα is
minimized for α = 0.66, which is significantly larger than the α
values found by Mannucci et al. (2010) and Yates et al. (2012) for
metallicities estimated with strong line calibrations. The scatter
for the stacks differs from the scatter for individual galaxies (like
the Mannucci et al. 2010 and Yates et al. 2012 studies) because
the number of galaxies per stack varies. For a direct comparison,
we computed the value of α for the metallicities derived from
various empirical, semi-empirical, and theoretical strong line
calibrations for the stacks with log(SFR) > −1.0 (the same SFR
range as the stacks with direct method metallicities) and find low
α values (α = 0.12–0.34) that are consistent with the Mannucci
et al. (2010) and Yates et al. (2012) α values (see Table 5).
The significant difference in α between the direct method and
the strong line methods indicates that the calibrations of all
of the strong line methods have some dependence on physical
properties that correlate with SFR.

The scatter in the direct method FMR (σ = 0.13 dex;
Figure 12) is almost a factor of two smaller than the scatter
for the M⋆–SFR stacks with direct method metallicities in the

Table 5
Best Fit α

Calibration α

(1) (2)

Direct method 0.66
KK04 0.24
M91 0.17
Z94 0.25
KD02 0.12
D02 0.34
PP04 N2 0.30
PP04 O3N2 0.32

Notes. Column 1: metallicity calibration (see
Section 3.3 for a more detailed description
of the strong line calibrations). Column 2:
the coefficient on log(SFR) in Equation (1)
that minimizes the scatter in the fundamental
metallicity relation.

mass–metallicity plane (σ = 0.22 dex; Figure 11). This decrease
is due to two features of the M⋆–SFR stacks at fixed SFR
shown as the solid colored lines in Figure 11: (1) they are
substantially offset from one another; and (2) they have similar
slopes with minimal overlap. The former reflects a strong SFR-
dependence on the MZR; the latter corresponds to a monotonic
SFR–metallicity relation at fixed stellar mass.

Figure 13 shows the M⋆–SFR stacks (circles color-coded
by SFR) in the mass–metallicity plane with metallicities de-
termined with two representative strong line calibrations: the
Kobulnicky & Kewley (2004) theoretical R23 calibration
(panel a) and the Pettini & Pagel (2004) empirical N2 calibra-
tion (panel b). Only stacks with log(M⋆) ! 8.0 were included
in Figure 13 because some stacks at lower stellar masses had
unphysically high strong line metallicities; to facilitate com-
parison with Figure 11, only stacks with log(SFR) > −1.0 are
shown in Figure 13. The stacks in panel (a) show the metallic-
ity from the upper branch of R23, which were selected to have
log([N ii] λ6583/Hα) > −1.1 (Kewley & Ellison 2008). Panel
(b) shows stacks with −2.5 < log([N ii] λ6583/Hα) < −0.3, the
calibrated range for the Pettini & Pagel (2004) N2 calibration
according to Kewley & Ellison (2008). For reference, the thick
black line shows the direct method MZR. The median, 68%
contour, and 95% contour of the T04 MZR are indicated by the
solid, dashed, and dotted gray lines, respectively.

The scatter in metallicity about the best fit relation decreases
only marginally from the MZR to the FMR when strong line
calibrations are used to estimate metallicity. For the KK04
and PP04 N2 metallicities, the scatter is reduced by σ =
0.10→0.09 dex and σ = 0.10→0.07 dex, respectively. Figure 13
also shows that the constant SFR tracks for the strong line
calibrations in the mass–metallicity plane are both more closely
packed and overlap more than those of the direct method.
Figure 13 only shows the M⋆–SFR stacks with metallicities from
two strong line calibrations, one theoretical and one empirical,
but the minor reduction in scatter, small spread, and considerable
overlap are generic features of strong line metallicities (the
normalization is not).

A qualitative measure of the spread is the difference between
the metallicity of the SFR0.0

−0.5 (light green) and the SFR1.0
0.5 (light

blue) stacks at a given stellar mass. There are 17 stellar mass
bins with direct method metallicities for stacks with these SFRs.
The median metallicity difference for these pairs of stacks was
0.38 dex for the direct method, 0.15 dex for the Kobulnicky &
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Figure 10. The direct method mass–metallicity relation for the M⋆ stacks (circles). In both panels, the thick black solid line shows the asymptotic logarithmic fit to
the direct method measurements (see Equation (5)). Panel (a): the colored lines represent various strong line calibrations (Tremonti et al. 2004; Zaritsky et al. 1994;
Kobulnicky & Kewley 2004; Kewley & Dopita 2002; McGaugh 1991; Denicoló et al. 2002; Pettini & Pagel 2004). Panel (b): the solid, dashed, and dotted gray lines
show the median, 68% contour, and 95% contour, respectively, of the Tremonti et al. (2004) MZR. The metallicities and fit parameters for the stacks are reported in
Tables 3 and 4, respectively.
(A color version of this figure is available in the online journal.)

required to detect [O ii] λλ7320, 7330 is Ngalaxies = 40, which
is well below the actual number of galaxies (1996) in this stack.

5. THE MASS–METALLICITY RELATION AND
MASS–METALLICITY–SFR RELATIONS

5.1. The Mass–Metallicity Relation

In Figure 10, we plot the MZR with direct method metallici-
ties for the M⋆ stacks (circles). We fit the MZR for the M⋆ stacks
(black line) with the asymptotic logarithmic formula suggested
by Moustakas et al. (2011):

12 + log(O/H) = 12 + log(O/H)asm − log
(

1 +
(

MTO

M⋆

)γ )
,

(5)
where 12 + log(O/H)asm is the asymptotic metallicity, MTO
is the turnover mass, and γ controls the slope of the MZR.
This functional form is preferable to a polynomial because
polynomial fits can produce unphysical anticorrelations between
mass and metallicity, particularly when extrapolated beyond the
mass range over which they were calibrated. The metallicities
and fit parameters for the stacks are reported in Tables 3
and 4, respectively. For comparison, we show the robust cubic
polynomial fits of eight strong line MZRs (colored lines) from
Kewley & Ellison (2008) in Figure 10(a). The T04, Z94 R23,
KK04 R23, KD02 N2O2, and M91 R23 MZRs are based on
theoretical calibrations, whereas the D02 N2, PP04 O3N2,
and PP04 N2 MZRs are based on empirical calibrations. In
Figure 10(b), the solid, dashed, and dotted gray lines indicate
the median, 68% contour, and 95% contour, respectively, of the
T04 MZR.

The most prominent aspect of the direct method MZR is its
extensive dynamic range in both stellar mass and metallicity.
It spans three decades in stellar mass and nearly one decade in
metallicity; this wide range is critical for resolving the turnover
in metallicity with a single diagnostic that is a monotonic
relation between line strength and metallicity. The broad range
in galaxy properties includes the turnover in the MZR, which is
the first time this feature has been measured with metallicities
derived from the direct method. Our stacked spectra also extend

the direct method MZR to sufficiently high masses that there is
substantial overlap with strong line measurements, and we use
this overlap to compare them.

The direct method MZR shares some characteristics with
strong line MZRs but differs in important ways, as can be seen
in Figure 10(a). The low mass end of the direct method MZR
starts at log(M⋆) = 7.4, a full decade lower than the strong
line MZRs. Nonetheless, naive extrapolations of the T04, D02,
PP04, and PP04 MZRs are in reasonable agreement with our
direct method MZR. At a stellar mass of log(M⋆) = 8.5, the
lowest stellar mass where strong line MZRs are reported, the
direct method MZR is consistent with the T04 and the D02
MZRs. Above this mass, the direct method MZR and the D02
MZR diverge from the T04 MZR. At log(M⋆) = 8.9, the direct
method MZR turns over. By contrast, the strong line MZRs turns
over at a much higher stellar mass (log[M⋆] ∼ 10.5): a significant
difference that has implications for how the MZR is understood
in a physical context, which we discuss in Section 7.4. At high
mass, the direct method MZR is in good agreement with the
empirical strong line calibration MZRs, but the theoretical T04,
Z94, KK04, and KD02 strong line calibration MZRs are offset to
higher metallicities by ∼0.3 dex at log(M⋆) = 10.5, the highest
mass stack with detected auroral lines. Figure 10(b) shows the
direct method MZR in relation to the scatter of the T04 MZR.
The direct method MZR is slightly below the median T04 MZR
at log(M⋆) = 8.5, crosses the 16th percentile at log(M⋆) =
9.0, and drops below the second percentile at log(M⋆) = 9.9.
Formally, the direct method MZR has a scatter of σ = 0.05 dex,
but this value is not directly comparable to the scatter in the T04
MZR because stacking effectively averages over all galaxies in
a bin, which erases information about galaxy-to-galaxy scatter.

At low masses (log[M⋆] = 7.4–8.9; i.e., below the turnover),
the direct method MZR scales as approximately O/H ∝ M⋆

1/2.
While a comparison over the same mass range is not possible for
the T04 MZR, its low mass slope, as determined from log(M⋆) =
8.5–10.5, is shallower with O/H ∝ M⋆

1/3. The discrepancy in
the low mass slopes between the direct method and the T04
MZRs could be reasonably explained by the difference in the
mass ranges over which the slopes were measured if the MZR
steepens with decreasing stellar mass (cf. Lee et al. 2006).

12
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PFS for the first time identify realistic M-Z relation and its evolution at z<1.6
PFS data can revise metallicity measurements for galaxies at given redshift
PFS can provide self-consistent empirical calibrations until z~0.9
Composite spectra of ~1k galaxies for each bin will be needed to detect [OIII]λ4364
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PFS can observe optical-emission lines within the wide redshift range (0<z<1.6)
This allows to trace galaxy evolution continuously from z=1.6 to z=0
PFS can also unveil ISM redshift evolutions of other physical parameters (U, Ne, Te)

R=4000 is enough to resolve [OII] doublet to estimate Ne
Te & Ne are insensitive to each other

Given Ne, Te and Z,
we can measure U accurately

scattered in ionization parameter and, perhaps, oxygen abun-
dance. Two of the observed H ii regions have extremely low
ionization parameters (Leo A +069!018 and +112!020); both
are extremely diffuse H ii regions located in the eastern half of the
galaxy. For +069–018, [O iii] k5007 is barely detected, indicating
that this H ii region has an extremely low ionization parameter.
Similar low-excitation spectra were seen in the faint H ii region
of another Local Group galaxy, Peg DIG (Skillman et al. 1997).
For PegDIG, the morphology (compact) and spectrum of the H ii
region is consistent with an ionizing flux of a single B0 star. In
Leo A, the Balmer line flux that is observed corresponds to ion-
ization by B0–O9.5 zero-age main sequence (ZAMS) stars for
each of the four H ii regions. It is thus possible that the IMF is
truncated (or incompletely sampled) or that these H ii regions are
evolved (aged). However, unlike Peg DIG, the low-excitation H ii
regions in Leo A are diffuse, amorphous structures; thus, it is also
possible that the long-slit observations do not sample fully the dif-
ferent ionization zones of theseH ii regions. In particular, if the ob-
servations are missing a significant fraction of the O++ ionization
zone, these H ii regionsmay be displaced significantly in Figure 4;
with additional [O iii], their location would shift significantly up-
ward and slightly to the right, possiblymoving them into the same
metallicity regime as the other two H ii regions.

Nonetheless, since the Balmer line fluxes of the H ii regions in
Leo A are consistent with radiation from lower mass, cooler O
and B stars, we examine further the effect of aging in the abun-
dance diagnostic diagram. In Figure 5weplace the low-metallicity
models [12þ log (O/H) ¼ 7:33] of Stasińska&Leitherer (1996)
in the diagnostic grid of Figure 4.As can be seen in Figure 5, aging
of H ii regions can introduce significant scatter in the abundance
diagnostic diagram as both the ionization parameter and shape of
the ionizing spectrum evolve (e.g., Stasińska & Leitherer 1996;
Olofsson 1997), Thus, once one allows for a large range of ion-
izing spectra and ionization parameter, H ii regions of a single
oxygen abundance can populate a large range of positions in this
diagnostic diagram. This is further emphasized in the bottom
panel of Figure 5, where the positions of theoretical H ii regions
with the same oxygen abundance as the models in the top panel
of the figure are shown with varying values of the electron tem-
perature and ionic fraction.

While the results of Figure 5 may appear to suggest that
strong-line ratios alone are not adequate to determine an empiri-
cal oxygen abundance, it is important to recall that the empirical
scheme of McGaugh (1991) (and others) relies on a limited range
of radiation field and a tight coupling between electron temper-
ature and ionic fraction. Since both the spectrum of the ionizing
radiation and the ionization parameter affect the ionic fraction, if
the ionizing radiation is not held fixed (e.g., ZAM stars with a
fully populated IMF), then there is a larger scatter for a given
abundance. However, these parameters are likely a reasonable
approximation for most high surface brightness H ii regions, and
thus the photoionization models do yield reasonable estimates
of the oxygen abundance in most instances. Rather, the issue of
varying the ionizing radiation only becomes significant for low-
excitation H ii regions. In fact, the tight correspondence between
the isometallicity contours and the location of the H ii regions in
GR 8 in Figure 4 suggests that log (O32) $ !0:4 could serve as
a guideline for a lower limit of the utility of the R23 calibration.

In any event, whether the H ii regions in Leo A are evolved,
were formed with a truncated IMF, or were incompletely sam-
pled by the observations, it is likely that the model grid shown in
Figure 4 is not optimal for their analysis and interpretation. Thus,
we caution that it is premature to speculate on possible oxygen
abundance variations in Leo A; in particular, the planetary neb-

ula has an oxygen abundance similar to the estimated abundances
of the other two (higher excitation)H ii regions [12þ log (O/H) %
7:46]. In fact, while we cannot rule out oxygen abundance var-
iations, all of the H ii region spectra in Leo A are consistent with
the oxygen abundance determined in the bright planetary nebula
(see x 4.1).

3.3. Semiempirical Relative Abundance Measurements

3.3.1. H ii Regions in Leo A

The [O iii] k4363 line was not detected in any of the other
Leo A H ii region spectra. Thus, we adopt a ‘‘typical’’ electron
temperature of 15;000 & 2500 K to enable analysis of nitrogen,
neon, sulfur, and argon abundances. While we have no represen-
tative H ii regions with measured Te in this galaxy to use as a
basis for this value, there is a general anticorrelation between elec-
tron temperature and oxygen abundance because low-metallicity
gas is cooled less efficiently (e.g., McGaugh 1991). Thus, even

Fig. 5.—Top: Model grid of the lower branch of the R23 relation from
McGaugh (1991; solid and dotted lines). The results of models of H ii regions
from Stasińska & Leitherer (1996) covering ages ranging from 1 to 10 Myr are
shown for 12þ log (O/H) ¼ 7:33. Large symbols denote the value for age ¼
1 Myr; time steps are 1 Myr intervals. The models include a range of ionization
parameters and upper limits for the IMF; filled symbols are forM (up) ¼ 100 M',
and open symbols are for M (up) ¼ 50 M'. While the models of young H ii re-
gions (age<3Myr) follow the relationships ofMcGaugh (1991), older H ii regions
appear to show higher oxygen abundance in these diagnostic diagrams. Bottom:
Same as the top, with a grid denoting the positions of H ii regions for a single
abundance of 12þ log (O/H) ¼ 7:33, with a range in electron temperature and
ionic fractions. Clearly, a large range in the diagnostic diagram is allowed. The em-
pirical abundance calibrations rely on a very close relationship between temperature
and ionic fraction, which is determined by both the spectrum of the ionizing ra-
diation and the ionization parameter. Variations from this relationship (introduced
by either truncating the IMF or aging the ionizing cluster) result in large depar-
tures from the oxygen abundance loci in the diagnostic diagram.
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1 INTRODUCTION

This is a simple template for authors to write new MNRAS
papers. See mnras_sample.tex for a more complex example,
and mnras_guide.tex for a full user guide.

All papers should start with an Introduction section,
which sets the work in context, cites relevant earlier studies
in the field by Others (2013), and describes the problem the
authors aim to solve (e.g. Author 2012).

2 METHODS, OBSERVATIONS,
SIMULATIONS ETC.

Normally the next section describes the techniques the au-
thors used. It is frequently split into subsections, such as
Section 2.1 below.

2.1 Maths

Simple mathematics can be inserted into the flow of the
text e.g. 2 ⇥ 3 = 6 or v = 220 km s�1, but more complicated
expressions should be entered as a numbered equation:
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Refer back to them as e.g. equation (1).
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Table 1. This is an example table. Captions appear above each
table. Remember to define the quantities, symbols and units used.

A B C D

1 2 3 4

2 4 6 8
3 5 7 9

2.2 Figures and tables

Figures and tables should be placed at logical positions in
the text. Don’t worry about the exact layout, which will be
handled by the publishers.

Figures are referred to as e.g. Fig. 1, and tables as e.g.
Table 1.

3 CONCLUSIONS

The last numbered section should briefly summarise what
has been done, and describe the final conclusions which the
authors draw from their work.
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Needs mass-complete sample for star-forming galaxies
HSC-D covers z<1 galaxies at the stellar mass <1E10 Msolar with SFR>1 Msolar/yr
MOONS complement PFS-SSP for the galaxies at z=0.8-1.5 (0.6-1.8μm)
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Fig. 1.—SFR vs. for 2905 galaxies in the Extended Groth Strip, in the range where the data are 180% complete; see § 2. The dotted vertical line marksM M∗ ∗
195% completeness. Filled blue circles: Combined SFRs from MIPS 24 mm and DEEP2 emission lines. Open blue circles: No 24 mm detection, blue U! B
colors, SFR from extinction-corrected emission lines. Green plus signs: Same as open blue circles, but red colors, mostly LINER/AGN candidates (§ 3).U! B
Orange downward arrows: No robust detection of f(24 mm) or emission lines; conservative SFR upper limits shown. There is a distinct sequence formed by
fiducial SF galaxies (open and filled circles); galaxies with little or no SF lie below this sequence. Red circles show the median of in mass bins oflog (SFR)
0.15 dex for MS galaxies (blue circles). Red lines include 34% of the MS galaxies above and 34% below the median of , !1 j in the case of a normallog (SFR)
distribution. Horizontal black dashed line: SFR corresponding to the 24 mm 80% completeness limit at the center of each z bin; 24 mm–detected galaxies above
the magenta dot-dashed line are LIRGs (§ 4.2).

(2005), using Chary & Elbaz (2001) SED templates; using
templates from Dale & Helou (2002) yields no significant dif-
ferences. We then add to the 24 mm–based SFR the SFR es-
timated from DEEP2 emission lines (Ha, Hb, or [O ii] l3727,
depending on z) with no extinction correction, to account for
SF from unobscured regions. This approach is similar to that
employed by Bell et al. (2005); utilizing rest-frame UV con-
tinuum SFRs (as they did) in place of emission-line fluxes
yields consistent results. Galaxies below the 24 mm detection
limit are not dominated by highly extincted SF; for these, we
use extinction-corrected SFRs from emission lines; these can
probe to roughly 10 times lower SFRs than the 24 mm data
and are slightly more sensitive at high z and cover a larger
area than GALEX data. Emission-line luminosities (as calcu-
lated in Weiner et al. 2006) were transformed to an Ha lu-
minosity using average line ratios measured from DEEP2 data
( , ; B. J. Weiner 2006, pri-Hb/Ha p 0.198 [O ii]/Ha p 0.69
vate communication) and transformed to the SFRs using the
Ha calibration of Kennicutt (1998). The DEEP2 Hb/Ha ratio
corresponds to an extinction of 1.30 mag at Ha assuming case
B recombination, which was applied to correct the emission-
line SFRs. We use fixed rather than -dependent line ratiosMH
(à la Weiner et al.), because these predict extinction-corrected
SFRs slightly in excess of the 24 mm–derived SFRs for high-
mass galaxies. Our simple but robust approach yields results
in good agreement with SFRs derived from GALEX data,
extinction-corrected based on UV spectral slopes.
For objects with both mJy and emission-line signal-f ! 6024 mm

to-noise ratio (S/N) !2, we estimate a 2 j upper limit on SFRs
from the most sensitive emission line available, by adding 2 j
to the measured uncertain SFR, or, for nondetections, to the limit
of –detectable emission-line SFRs at the galaxy’s red-S/N 1 2
shift. We again apply for extinction corrections, cer-A p 1.30Ha

tainly an overestimate since extinction is lower in more weakly
star-forming galaxies (Hopkins et al. 2001).
We have performed a suite of tests of these SF estimates,

finding that adopting different SFR tracers changes resultsmod-
erately (K. G. Noeske et al. 2007, in preparation); qualitative
results are unaffected. Random errors in our 24 mm–based SFRs
are !0.1 dex from photometry and ∼0.15 dex from scatter in
the f(24 mm) to L(IR) conversion (see Marcillac et al. 2006),
yet total random errors are expected to be 0.3–0.4 dex (see
Bell et al. 2005). For extinction-corrected emission-line SFRs,

random errors are ∼0.35 dex, including scatter about the as-
sumed mean extinction.

3. RESULTS

Figure 1 shows the SFR as a function of in four inde-M∗
pendent redshift bins. The following discussion refers only to
the stellar mass range where the sample is 195% complete,
marked by the vertical dotted lines in each redshift bin. We
identify three different categories of galaxies:
1. The majority of galaxies show clear signs of SF, either

robust 24 mm detections or, at lower , blue colors and emis-M∗
sion lines (blue symbols in Fig. 1). Quantitative HST mor-
phologies (Gini/M20: Lotz et al. 2007; CAS: Conselice 2003)
classify !25% of these galaxies as early types (E, S0, Sa), and
"90% show visual signs of SF such as blue regions and dust
lanes. Most of them lie on the “blue cloud” (e.g., Willmer et
al. 2006), although some of the massive ones are red, likely
dusty, star-forming galaxies (Bell et al. 2005). This category
(blue symbols in Fig. 1) comprises 67%(56%) of the sample
at z !(1) 0.7 in the range where the sample is complete.M∗
2. Clearly separated are galaxies without robust 24 mm

(160 mJy) or emission-line ( ) detections (orange arrowsS/N 1 2
in Fig. 1). The upper limits on their SFRs are conservatively
high (§ 2), such that the true separation between the sequence
and the other galaxies is likely larger than it appears here.
Almost all (195%) of these galaxies are on the red sequence,
and"90%(80%) at z !(1) 0.7 have early-type quantitativemor-
phologies including early-type mergers, while "90% at z 1

have early-type visual morphologies with no hints of current0.7
SF. These galaxies contribute 29%(30%) of the sample at
z !(1) 0.7.
3. Scattered below the star-forming sequence are galaxies

with robust emission-line detections but no significant 24 mm
emission, 5%(14%) of the sample at z !(1) 0.7. All of these
galaxies (green plus signs in Fig. 1) are on the red sequence,
and their Ha, Hb emission-line equivalent widths tend to be low
(a few angstroms). Yan et al. (2006) and Weiner et al. (2006)
showed that the bulk of the line emission in red galaxies out to
intermediate redshifts is due to LINER/AGN emission, not SF.
We find that 75% of those galaxies with [O ii] and Hb detections
show LINER-like line ratios, and"55%(70%) at z !(1) 0.7 have
early-type quantitative and visual morphologies that are typical

z=1.0

Flux limit of 1hr integration time by PFS
Mass limits assuming y-mag limit =25.4 mag

SFR limits assuming A(Hα) =1 mag

z=0.8z=0.6z=0.4

PFS 1-2hr integration has enough depth to trace SFGs
also will allow multi-emission line detection
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I believe SDSS-type observation is the most unbiased plan for any science community
Practically, 100 nights is insufficient to accumulate a complete sample
- I prefer to focus on flux-limited observation for z~0.3-0.8 galaxies (>100k sample)
- Less biased selection criteria are more favored (photo-z or color?)
- We should collaborate with MOONS team to collect galaxies at z<1.5

- PFS-SSP is powerful for follow-up spec. of HSC-NBEs etc, but it already started

+ MgII and FeII absorption lines at z=0.5-3.5 can be observed by PFS
I will propose deeper Intensive program (~10hrs/config.) to get UV absorptions at z~2

PFS (z<0.8)SDSS (z<0.2) MOONS (z<1.5) Ultimate-Subaru?
(z<2.6)


