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原始銀河団の重要性
‣銀河団形成はいつ始まり、どのように進むのか？
‣銀河進化への環境効果は？　大規模構造との関連は？
➡これらの問題の解決のために銀河団形成の現場 
　　　　　　 “原始銀河団” を直接調べる必要がある。
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Figure 11. Filamentary network in a slice of 20 h−1 Mpc. Back dots indicate dark matter particles in filaments after the compression algorithm. Grey circles
indicate the location of clusters with M ≥ 1014 M⊙ h−1. The size is scaled proportional to their mass.

above a given density contrast threshold δth ≡ ρth/ρ̄ − 1. By vary-
ing the threshold across the complete range of density values in
the matter distribution, we obtain a systematically evolving popu-
lation of structures, each characteristic for the value δth (Zeldovich
et al. 1982; Shandarin 1983; Shandarin & Zeldovich 1983; Klypin
1988).

We assess the change in filamentary complexes as a function of
the density contrast threshold:

1 + δth ≡
(

4
3
πl3

link

)−1

, (6)

where llink is a linking length between two dark matter particles. By
iteratively associating particles with separations d ≤ llink, we pro-
duce a catalogue of filamentary complexes. This procedure is rather
similar to the identification of clusters using the FoF algorithm. Fol-
lowing their identification, we rank the filamentary configurations
by their mass, i.e. the number of particles they contain. This re-
sults in a mass ordered list consisting of the most massive filament,
second most massive filament, third most massive, etc.

At high densities, filaments are isolated objects with a simple
shape and topology. As the value of δth decreases, the filaments
grow steadily while more mass from their surroundings is added

to them.1 While they grow, they branch into increasingly complex
structures. At some point, at the merging threshold δth ∼ 2, there is
a rather sudden transition in the way the filaments grow. The steady
inclusion of mass from adjacent lower density regions no longer
constitutes the main growth process. Instead, the merging of exist-
ing filamentary complexes into super-filaments becomes the main
mode of structure growth. Descending to even lower densities, the
filaments continue to merge until, rather abruptly, at one particular
density value a single superstructure emerges which spans the entire
volume: this marks the percolation transition. As a result, opposite
faces of the simulation box are connected.

The growth process is illustrated in Fig. 12. It follows the devel-
opment of the 10 most massive filaments along a range of decreasing
density thresholds δ > δth (going from top left to bottom right). The
figure shows the filaments at thresholds 1 + δth = 0.2, 0.4, 0.9, 1.8,
2.9 and 4.2 (from top to bottom and left to right). In order to dis-
tinguish them, each of the filaments is plotted with a different grey
tone, with the lighter shades corresponding to more massive struc-
tures. The panels highlight the non-linear nature of the percolation

1 By restricting ourselves to the filament pixels, the structures remain con-
fined to filaments and do not flood into walls or voids.
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Figure 8. MMF walls. 3D stereoscopic view (cross-eyed) of the isosurfaces enclosing walls (bottom panels) and the enclosed particle distribution (top panels).
The box corresponds to the zoomed region shown in Fig. 3.

Table 3. Inventory of the cosmic web. The volume, mass content and a
few statistical characteristics of the density distribution of the individual
structural morphologies are listed. The mean, median, standard deviation and
kurtosis are computed from the distribution of the overdensity 1+ δ = ρ/ρ.

Clusters Filaments Walls Voids

Volume filling (per cent) 0.4 8.8 4.9 85.9
Mass content (per cent) 28.1 39.2 5.5 27.2
Mean overdensity 73.0 4.5 1.1 0.3
Median overdensity 11.5 1.7 0.9 0.3
Standard deviation 58.8 11.4 2.61 0.52
Kurtosis 58.7 44.8 160.5 142.1

The resulting cosmic inventory is summarized in the pie diagrams
of Fig. 9. The stark contrast between the volume and the mass share
of the clusters, filaments and sheets is a direct manifestation of the
large density differences between the different morphologies and a

direct indication of the dynamical importance of these elements. The
density contrast differences are also an indication for the different
evolutionary stages in which they reside, as gravitational collapse
proceeds faster as we go from walls → filaments → clusters.

Not surprisingly, clusters occupy the smallest volume fraction in
the cosmic web, occupying only 0.38 per cent. Despite this, they
also represent a major share of the cosmic mass: 28 per cent of the
total mass resides within cluster regions. This not only makes them
by far the densest objects of the megaparsec Universe, but also
makes them the dynamically dominant component of the cosmic
web (see e.g. Bond et al. 1996). The largest fraction of the mass in the
Universe, ≈39 per cent, resides in filaments, which occupy around
10 per cent of the total volume. Although their density is lower than
that of clusters, they represent the most salient component of the
cosmic web via their function as the all-pervasive bridges between
all structural features in the megaparsec Universe. Walls contain a
substantially smaller fraction of the mass, ≈5.5 per cent. They also
occupy a relatively small volume, at ≈4.9 per cent, even less than
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Figure 9. Pie diagram showing an inventory of the cosmic web in terms of
volume (top) and mass (bottom). We distinguish clusters, filaments, walls
and void regions (or ‘field’).

that occupied by filaments. It certainly means that walls have been
relatively unimportant in the recent formation history of the cosmic
web.

It is instructive to compare the present-day morphological inven-
tory with that in the primordial density field. On the basis of the
(tidal) deformation tensor distribution in the primordial Gaussian
field Doroshkevich (1970) showed that in the linear regime 92 per
cent of the mass will collapse into walls, filaments or clusters. Fil-
aments and walls would each take 42 per cent of the share, clusters
8 per cent, while the remaining 8 per cent would correspond to
underdense voids. While we may already expect that this direct link
between the primordial deformation tensor and morphology is too
simplistic, it is the subsequent quasi-linear and non-linear evolution
which changes these numbers substantially.

The MMF is a density-field-based criterion and performs bet-
ter as the density field becomes more prominent and non-linear: it
selects only those regions with a clear morphology and contrast.
Following the same deformation tensor criteria with respect to the
primordial density field, Pogosyan et al. (1998) showed that fila-

ments will be much more prominent in the high-density regions,
which tend to develop faster in the subsequent non-linear evolution.
Walls are more biased to lower density regions and at all times will
therefore occur less prominent than filaments. The MMF sensitiv-
ities will therefore be naturally biased towards the filaments and
clusters in the mass distribution. Moreover, the MMF is less likely
to properly identify the outer infall regions of clusters, filaments and
walls and instead tends to relegate part of these to the field as they
have not yet emerged as fully developed structures. Here, for sim-
plicity, we identify these field regions with the larger low-density
voids.

5.2 Density segregation of the cosmic web

The differences in mass and volume content derived for each mor-
phology correspond to different density ranges. It is often assumed
that these elements mark out a unique density regime, with no
overlapping values. This assumption is the basis for the use of over-
density as one of the most widely used criteria to identify clusters
(Lacey & Cole 1994; Eke et al. 1996) and filaments (Shandarin et al.
2004; Dolag et al. 2006).

Fig. 10 shows the cumulative and probability distributions of the
overdensity δ within the regions identified as clusters, filaments,
walls and field. The bottom panel shows that each morphology
occupies a characteristic range in density.

(i) Clusters are the densest objects, with a median overdensity of
∼11.5 and a mean overdensity of ∼73. The range of overdensities
extends to more than δ ∼ 100 and even δ ∼ 1000 within the large
virialized clusters.

(ii) Filaments and walls have medium overdensities, with a mean
overdensity of ⟨1 + δ⟩ ∼ 4.5 for filaments and ⟨1 + δ⟩ ∼ 1.1 for
walls and a median overdensity of ∼1.7 and ∼0.9, respectively.

(iii) The field should be mostly identified with the most under-
dense void regions. On average, the void regions correspond to
underdensities of δ ∼ −0.7.

The density values for filaments and walls partially coincide
with the density range expected for collapsed objects, since they
concern values δ ≥ 6 at which spherical objects turn around into
collapse. However, in particular for walls a major fraction of the
enclosed space has a substantially lower density. To a large extent
this concerns the lower density in the outer realms which surround
the dense inner regions of clusters, filaments and walls. There is
also a bias towards low densities in structures identified with the
MMF as a result of the morphology threshold criteria used by the
MMF to separate real and noisy structures (see Section 3.4).

The considerable level of overlap in density between the various
morphologies also means that a pure density criterion for structural
identification does not provide an accurate description of reality. A
morphological segmentation in terms of density alone would require
at least a non-overlapping low-density tail. However, the fact that
this does not seem to be the case implies that there is a substantial
contamination with other morphological elements if one resorts to a
pure density-based criterion: a (global) density threshold would be a
poor discriminator of morphology. Even when each morphology can
be associated with a specific density range, in general an additional,
more sophisticated characterization is required.

The use of the MMF method to disentangle the cosmic web into
its basic morphologies, independent of their density contrast, is
clearly justified by the results presented in Fig. 10. However, we
do have to take care of the fact that the MMF density estimates of
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with the density range expected for collapsed objects, since they
concern values δ ≥ 6 at which spherical objects turn around into
collapse. However, in particular for walls a major fraction of the
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morphological segmentation in terms of density alone would require
at least a non-overlapping low-density tail. However, the fact that
this does not seem to be the case implies that there is a substantial
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原始銀河団の探査方法
電波銀河(RG)周辺での探査
   z=4.11の原始銀河団
      (Venemans et al. 2007)

　QSO, サブミリ銀河なども
　　　　　　　使われている。

6 arcm
in

RG
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Figure 2. δgal maps for a selection of the most prominent protocluster candidates in the COSMOS/UltraVISTA field. Galaxies in the 0.025(1 + z) redshift depth are
marked by dots with sizes scaled by the Ks band flux. The color is scaled to turn red for regions more overdense than the average δgal of “Coma-type” protoclusters
(Mz=0 > 1015 M⊙) found in the simulation (see Figure 1). The solid and dashed circles indicate the positions of protocluster candidates with a δgal peak at the redshifts
shown and adjacent redshifts, respectively.
(A color version of this figure is available in the online journal.)

from Gaussian distribution) are clearly seen, suggesting that
structure growth at this scale has evolved toward the nonlinear
regime expected for forming galaxy clusters.

To compare the real data with our matched simulated obser-
vations, we overplot in Figure 1 the δgal distributions of the sim-
ulation (whole volume, including fields and clusters). The δgal
distributions of the observation (yellow) and simulation (black)
match very well,4 indicating that the overall large-scale galaxy
clustering probed by the COSMOS data is consistent with our
ΛCDM models. This also suggests that our matched simulation
recreates the main observational effects and bias successfully.
The δgal distribution of cluster progenitors in the simulation are
shown as unfilled histograms in Figure 1 for three present day
cluster mass bins. The mean δgal for each mass bin is ∼0.25,
∼0.5, and ∼0.8–1.0 for “Fornax,” “Virgo,” and “Coma” pro-
toclusters respectively. The center of the cluster progenitors in
the simulation is defined by the Ks band flux weighted average
positions of the member galaxies. In general, the progenitors
of higher mass clusters show higher δgal but there is a certain
degree of overlap due mainly to the redshift uncertainties

4 The differences between the observed and simulated histograms give a
reduced χ2 of !1 for z ∼ 1.8 and 2.3 and of 1.8 for z ∼ 2.8.

and sub-dominant effects such as the intrinsic scatters of the
Mz=0–δgal(z) relation and Poisson errors.

To further examine how well our matched simulation fits
the data, we show zoom-in regions of the high δgal tails in
Figure 1. The high δgal tails of the simulation and observation
match remarkably well, especially for the z ∼ 1.8 and 2.3 bins.
This indicates that the simulation is a good approximation
of the observation and that our interpretation of the observed
overdensities will be nearly unbiased.5

We present, in Figure 2, the δgal maps for a selection of
redshift slices in the COSMOS field. Each slice has a redshift
width of 0.025(1 + z) and shows a variety of cosmic structures
from voids (blue), filaments (green), to overdense peaks (red).
The regions in red have a δgal well in the high tail regime of
the δgal distribution (Figure 1) where we expect to find cluster
progenitors. We note that our maps are consistent with Scoville
et al. (2013) but differ in the fact that we tend to preserve the

5 At z ∼ 2.8, the simulation shows slightly stronger clustering at the high δgal
end, indicating slightly larger zphot uncertainties for the real data at higher
redshifts. This will give us slightly more conservative results (e.g., lower
probability to be a cluster progenitor for a given observed δgal) when
interpreting observed structures at z " 2.8.

3

phot-zによる探査 (Chiang et al. 2014)
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Figure 5. Spatial distribution of Hα emitters. The blue open circles show Hα
emitters at z = 2.53. The red filled circles show DRGs, and black dots are
NB2315-detected galaxies. North is up, and east is to the left. The origin of
the coordinates is the position of the USS 1558-003 radio galaxy. The three
gray circles are the regions where Hα emitters and DRGs are strongly clustered,
which are defined as clump-1, clump-2, and clump-3, respectively. The two
regions enclosed by gray solid lines show our MOIRCS pointings (F1 and F2).
(A color version of this figure is available in the online journal.)

of HAEs and DRGs in these three clumps are all higher than
those of averaged values across the observed fields by factors of
two to five for HAEs and two to three for DRGs. Clump-1 is in
the vicinity of the radio galaxy, and it contains both HAEs and
DRGs around the radio galaxy. If we assume that the central
dominant radio galaxy grows to a cD galaxy in the future, this
region may correspond to the central part of the cluster. The fact
that DRGs are also clustered in this clump may also suggest that
this part of the proto-cluster is the oldest. Clump-2 is the most
conspicuous, densest association of the HAEs and DRGs, and it
is located at ∼3.′2 (about 1.5 Mpc in physical scale) away from
the radio galaxy to the southwest. Clump-3 is a smaller group
of HAEs located between clump-1 and clump-2.

It is interesting to note that the HAEs are more strongly
clustered toward the southwest clumps (clump-2 and clump-3)
rather than in the immediate surrounding region around the
radio galaxy (clump-1). They constitute a part of the large-scale
structure hosting the radio galaxy and clump-1, and they would
all merge together in the near future to form a more massive
single cluster around the radio galaxy. It is obvious that this
proto-cluster region is not yet relaxed and is just in the process
of galaxy assembly from the surrounding regions. We note that
such distribution of the Hα emitters is similar to that of DRGs
reported by Kodama et al. (2007) based on NTT/SOFI imaging
data. In fact, we also confirm that the DRGs tend to be located
in and along the structures traced by the Hα emitters, based on
our deeper MOIRCS data (Figure 5). Furthermore, we find that
these DRGs also meet the BzK criteria which select galaxies
primarily at 1.4 ! z ! 2.5, suggesting that a significant number
of these DRGs are likely to be physically associated with the
proto-cluster hosting the radio galaxy at z = 2.53.

The three clumps in the 1558-003 proto-cluster host a large
number of HAEs. The surface number density of HAEs in the

Table 2
The Number and Number Density of HAEs and DRGs

Region Area Number Density

(arcmin2) (arcmin−2)

HAE DRG HAE DRG

Clump 1 3.36 15 12 4.46 ± 1.15 3.57 ± 1.03
Clump 2 1.64 20 8 12.2 ± 2.73 4.88 ± 1.72
Clump 3 0.94 8 3 8.51 ± 3.01 3.19 ± 1.84
All clumps 5.94 43 23 7.24 ± 1.10 3.87 ± 0.81
Others 21.16 25 19 1.18 ± 0.24 0.90 ± 0.21
Entire field 27.10 68 42 2.51 ± 0.30 1.55 ± 0.24

Notes. Errors in number density are estimated based on Poisson statistics.

three clumps is ∼37 ± 13 times larger than those in the redshift
slice at z = 2.2 in the GOODS-North field (Hα emission survey
with NB209 narrow-band filter; Tadaki et al. 2011). Similarly,
we also find that it seems that the surface number density is
∼14 ± 3 and 17 ± 4 times larger than those in the redshift slices
of z = 2.2 and 2.53 in the SXDS field (Hα emission survey with
NB209 and NB2315; K.-I. Tadaki et al., in preparation).

Tanaka et al. (2011) conducted an HAE survey in the field
around the 4C 23.56 radio galaxy at z = 2.48 with a CO narrow-
band filter on MOIRCS; they found 11 HAE candidates to flux
down to ∼7.5 × 10−17 erg s−1 cm−1 and rest-frame EW > 50 Å
over a 23.6 arcmin2 area, which is similar to our survey area. It
is found that HAEs are distributed on the east side of the radio
galaxy 4C 23.56, and there is a clump of HAEs ∼2 Mpc (in
comoving scale) away from the radio galaxy. Such an offset dis-
tribution of HAEs from the radio galaxy is similar to that in our
USS 1558-003 field, although our Hα emitters are more strongly
clustered than the 4C 23.56 field. However, note that the EW
cut and the limiting flux used for HAE selection are slightly
different in our survey than in Tanaka et al. (2011). Our survey
enables us to sample HAEs with fainter line fluxes and smaller
EWs. If we apply the same EW cut and the limiting flux as in
Tanaka et al. (2011) to our sample in the USS 1558-003 field, the
number of HAEs reduces to 27, but it is still considerably larger
than that in the 4C 23.56 field. The discovery of clumps of HAEs
in these proto-clusters around the radio galaxy at z ∼ 2.5 clearly
indicates that we are witnessing the process of mass
assembly of clusters at their early stage when galaxies are vig-
orously assembling to form dense cluster cores while they are
actively forming stars.

Moreover, Hatch et al. (2011) reported the studies for two
proto-clusters around the radio galaxies MRC 1138-262 at
z = 2.16 and 4C+10.48 at z = 2.35. These studies suggested
that proto-clusters at z " 2 tend to show a statistical excess
of HAEs compared to the general fields at similar redshifts.
However, they found that Hα emitters in the 4C+10.48 region
are not strongly clustered, while those in the MRC 1138-262
region are clustered (see Kurk et al. 2004b). Moreover, both
proto-clusters show inhomogeneous spatial distribution of
HAEs around each radio galaxy, and most of the Hα emitters
are distributed only on one side of the radio galaxies, similar to
4C 23.56 (Tanaka et al. 2011) and USS 1558-003 (this study).

Another interesting result we find is that the radio galaxy
shows an extremely extended Hα emission spatially as shown
in Figure 6. In the NB2315 image, we can note that the struc-
ture of the Hα emission is stretched in the northeast–southwest
direction. The size of the Hα emission is ∼4.′′5, which corre-
sponds to ∼36 kpc in physical scale. We discuss the extended
Hα emission of radio galaxy itself in Section 5.2.

6

NB撮像 (Hayashi et al. 2012)

NB撮像やphot-z、または分光サーベイなども使われている。

z=2.53

原始銀河団の探査方法
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Table 5
An Overview of Proto-cluster Candidates Selected from the Literature

Object z Samplea Window Sizeb ∆zc δgal
d σv

e Mf References†

(arcmin2) (km s−1) (M⊙)

PKS 1138–262 2.16 Lyα 7 × 7 0.053 3 ± 2 900 ± 240 3–4 1, 2, 3, 4, 5, 6

Hα 7 × 7 0.041 · · · · · · · · · 7

HS1700–FLD 2.30 BX 8 × 8 0.030 6.9+2.1
−2.1 · · · 14 8

4C 10.48 2.35 Hα 2.5 × 2.5 0.046 11+2
−2 · · · · · · 9

J2143−4423 2.38 Lyα 44 × 44 0.044 5.8+2.5
−2.5 · · · · · · 10

4C 23.56 2.48 Hα 7 × 4 0.035 4.3+5.3
−2.6 · · · · · · 11

USS 1558−003 2.53 Hα 7 × 4 0.041 · · · · · · · · · 12

LABd05 2.7 Lyα 28 × 11 0.165 ∼2 · · · · · · 13

HS1549 2.85 LBG · · · 0.060 ∼5 · · · · · · 14

MRC 0052–241 2.86 Lyα 7 × 7 0.054 2.0+0.5
−0.4 980 ± 120 3–4 6, 15

MRC 0943–242 2.92 Lyα 7 × 7 0.056 2.2+0.9
−0.7 715 ± 105 4–5 6, 15

SSA22–FLD 3.09 LBG 11.5 × 9 0.034 3.6+1.4
−1.2 · · · 10–14 16

Lyα 9 × 9 0.066 5 ± 2 · · · · · · 17, 18, 19

MRC 0316–257 3.13 Lyα 7 × 7 0.049 2.3+0.5
−0.4 640 ± 195 3–5 6, 15, 20

TN J2009–3040 3.16 Lyα 7 × 7 0.049 0.7+0.8
−0.6 515 ± 90 · · · 6, 15

TN J1338–1942 4.11 Lyα 7 × 7 (×2) 0.049 3.7+1.0
−0.8 265 ± 65 6–9 6, 15, 21

LBG 3.4 × 3.4 ∼0.6 1.5+0.3
−0.3 · · · · · · 6, 22, 23, 24

6C 0140+326 4.41 Lyα 10 × 10 ∼0.04 8+5
−5 · · · 0.8–2.9 25

SDF 4.86 Lyα 10 × 10 0.060 2.0+1.0
−2.0 · · · >3 26

TN J0924–2201 5.19 Lyα 7 × 7 0.073 1.5+1.6
−1.0 305 ± 110 4–9 6, 15, 27

LBG 3.4 × 3.4 ∼0.7 1.0 ± 0.5 · · · · · · 28

COSMOS AzTEC03 5.30 SMG 1 × 1 · · · · · · · · · · · · 29

SXDF-Object “A”g 5.70 Lyα 6 × 6 0.099 3.3+0.9
−0.9 ∼180 1–3 30

SDF 6.01 LBG 6 × 6 ∼0.05 16 ± 7 647 ± 124 2–4 31

CFHQSJ2329−0301 6.43 LBG 34 × 27 ∼1.0 ∼6 · · · · · · 32

See also 33, 34, 35, 36, 37

Notes.
a Method of sample selection: (Lyα) narrowband Lyα, (Hα) narrowband Hα, (LBG) Lyman break technique, (BX) the “BX” criteria of
Adelberger et al. (2005), (SMG) sub-millimeter galaxies.
b Approximate field size or the size of the structure used to calculate overdensity.
c Full width redshift uncertainty associated with the δgal quoted.
d Amplitude of the galaxy overdensity in the references. Except for HS1700–FLD, SSA22–FLD, and SDF (z = 6.01) where ample spectroscopic
information was available, δgal refers to the projected surface overdensity (Σ − Σ̄)/Σ̄.
e Velocity dispersion (where available).
f Inferred mass of the overdensity in units of 1014 M⊙.
g Only the richest of the two z = 5.7 overdensities discovered in this field is listed.
References. † (1) Kurk et al. 2000; (2) Pentericci et al. 2000; (3) Pentericci et al. 2002; (4) Kurk et al. 2004a; (5) Kurk et al. 2004b; (6) Venemans
et al. 2007; (7) Koyama et al. 2013; (8) Steidel et al. 2005; (9) Hatch et al. 2011; (10) Palunas et al. 2004; (11) Tanaka et al. 2011; (12) Hayashi
et al. 2012; (13) Prescott et al. 2008; (14) Mostardi et al. 2013; (15) Venemans et al. 2005; (16) Steidel et al. 1998; (17) Matsuda et al. 2005;
(18) Steidel et al. 2000; (19) Yamada et al. 2012; (20) Venemans et al. 2005; (21) Venemans et al. 2002; (22) Miley et al. 2004; (23) Zirm
et al. 2005; (24) Overzier et al. 2008; (25) Kuiper et al. 2011; (26) Shimasaku et al. 2003; (27) Venemans et al. 2004; (28) Overzier et al. 2006;
(29) Capak et al. 2011; (30) Ouchi et al. 2005; (31) Toshikawa et al. 2012; (32) Utsumi et al. 2010; (33) Papovich et al. 2012; (34) Chiaberge
et al. 2010; (35) Spitler et al. 2012; (36) Matsuda et al. 2009; (37) Trenti et al. 2012.

1015 M⊙ cluster, it is likely that this clump is surrounded by a
significant overdensity out to !20 comoving Mpc across with an
effective diameter of 2Re = 13.0+3.8

−2.6 cMpc that encompasses
about 40% of the mass. If such a large-scale overdensity is
not seen, then it is most likely the progenitor of a much less
massive cluster or group. On the other hand, extremely large-
scale structures with a scale of ∼50–60 comoving Mpc have also
been found at high redshift (e.g., Shimasaku et al. 2003; Matsuda
et al. 2005). Although the central parts of these structures might
form massive virialized clusters by z = 0, it is unlikely that
the collapse of the entire structure will have been completed by
z = 0.

The present-day mass of the descendant cluster, Mz = 0,
is the main physical quantity that should be used to link
proto-clusters at high redshift to clusters at low redshift. As
we have shown in this paper, many properties such as the
size, virialization redshift, and overdensity correlate well with
Mz = 0. Therefore, Mz = 0 can serve as the principle parameter
to classify and characterize structures across the “proto-cluster
zoo” summarized in Table 5. Galaxy formation processes
and timescales are expected to systematically differ along
this mass sequence. For example, cluster red sequences are
expected to form earlier in more massive proto-clusters. Using
the overdensity–cluster mass (δgal–Mz = 0) relation presented in
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原始銀河団の性質

A comparison of protocluster and field Hα emitters at z ∼ 2 3001

subtracting the Kcont flux from the NB flux:

f (Hα) = wNB[f (NB) − f (Kcont)]. (3)

We assumed all NB-excess sources in the radio galaxy fields are
Hα emitters since less than 10 per cent are expected to be interlop-
ers (see discussion in Section 2.3.2). However, contaminants were
removed from the control field sample using optical and IR colour
selection, since more than half of the field NB-excess sources are
not Hα emitters at z ∼ 2.

In order to compare the field and protocluster samples, it is es-
sential that galaxies in the different fields are selected to the same
limit. Therefore, both the radio galaxy and control field catalogues
were limited to galaxies brighter than NB < 20.8 mag, i.e. includ-
ing only galaxies that are brighter than the 95 per cent completion
limit of the shallowest NB field. Sources within 100 kpc of the radio
galaxies were excluded as these may be influenced by the radio jets,
however, including these galaxies does not change our results.

The left-hand panel of Fig. 8 compares the cumulative Hα LF of
Hα emitting candidates detected in the dense radio galaxy fields to
the control field. The normalization of the control field Hα LF is
12 times below that of the 4C +10.48 field, and 14 times below the
MRC 1138−262 protocluster, at all Hα luminosities.

We combined the galaxies in the 4C +10.48 and MRC 1138−262
fields together to form the distribution of the ‘average’ radio galaxy
field (or average protocluster), and plot this as a blue line. The
dashed red line shows the control field Hα LF renormalized to
match the density of the averaged radio galaxy fields. The renor-
malized LF is in complete agreement with the LF of the radio galaxy
fields. A Kolmogorov–Smirnov (KS) test of the two groups results
in a probability of 97 per cent, so there is no difference in Hα lumi-
nosities of galaxies in different environments at z ∼ 2. The simplest
interpretation of this is that there are more star-forming galaxies in

the protoclusters, but the dense environment does not greatly alter
the Hα luminosities of the star-forming galaxies.

3.3.2 Rest-frame R-band luminosity function

For galaxies at z ∼ 2.2, the observed Ks luminosity approximately
corresponds to the light within the rest-frame R band, so the ob-
served Kcont magnitudes were converted into continuum R absolute
magnitudes. The R-band LFs (R-LFs) of the Hα emitters in the
dense radio galaxy fields and the control field are shown in the
right-hand panel of Fig. 8.

The completion limit of the R-LFs is hard to define since the
galaxies were selected in NB not Ks. However, the Hα emitters
were selected in exactly the same manner from each data set, and
only galaxies up to the 95 per cent completion limit of the shallowest
field were included. Therefore, all data sets are consistent, and we
can robustly compare the LFs at faint magnitudes.

The density of control field galaxies with MR > −20.4 is 12 times
below that of the density in the 4C +10.48 field and 14 times below
the MRC 1138−262 field. This is consistent with the overdensities
derived from the Hα LFs. The shape of the MRC 1138−262 and
4C +10.48 R-LFs are similar suggesting that the Hα emitters in
both dense fields have similar luminosities.

The red dashed line is the control field R-LF renormalized to the
average protocluster density. By construction, the faint end of these
cumulative LFs matches, and the red line cannot be shifted up any
further. Any discrepancy in the shapes of the LFs must therefore
be due to differences in the luminosities of the galaxies in different
environments.

Although the R-LFs of the two dense radio galaxy fields are in
close agreement, the shape of the control field R-LF does not re-
semble the protoclusters R-LFs. The slope of the control field R-LF

Figure 8. The cumulative Hα LF (left) and rest-frame continuum-only R-band LF (right) of Hα galaxies in the 4C +10.48 field (solid black lines),
MRC 1138−262 (dotted black lines) and control fields (dashed black lines). The average protocluster LFs, resulting from the combined 4C +10.48 and
MRC 1138−262 data, are shown as solid blue lines. 4C +10.48 and MRC 1138−262 are 12 and 14 times denser than the field, respectively. The red dashed
line is the field LF renormalized to the same density as the average protocluster. The shape of the protocluster and control field Hα LFs are in good agreement,
whilst the R-LFs are not – the protocluster galaxies are typically 0.8 mag brighter than the field galaxies.
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A comparison of protocluster and field Hα emitters at z ∼ 2 3001

subtracting the Kcont flux from the NB flux:

f (Hα) = wNB[f (NB) − f (Kcont)]. (3)

We assumed all NB-excess sources in the radio galaxy fields are
Hα emitters since less than 10 per cent are expected to be interlop-
ers (see discussion in Section 2.3.2). However, contaminants were
removed from the control field sample using optical and IR colour
selection, since more than half of the field NB-excess sources are
not Hα emitters at z ∼ 2.

In order to compare the field and protocluster samples, it is es-
sential that galaxies in the different fields are selected to the same
limit. Therefore, both the radio galaxy and control field catalogues
were limited to galaxies brighter than NB < 20.8 mag, i.e. includ-
ing only galaxies that are brighter than the 95 per cent completion
limit of the shallowest NB field. Sources within 100 kpc of the radio
galaxies were excluded as these may be influenced by the radio jets,
however, including these galaxies does not change our results.

The left-hand panel of Fig. 8 compares the cumulative Hα LF of
Hα emitting candidates detected in the dense radio galaxy fields to
the control field. The normalization of the control field Hα LF is
12 times below that of the 4C +10.48 field, and 14 times below the
MRC 1138−262 protocluster, at all Hα luminosities.

We combined the galaxies in the 4C +10.48 and MRC 1138−262
fields together to form the distribution of the ‘average’ radio galaxy
field (or average protocluster), and plot this as a blue line. The
dashed red line shows the control field Hα LF renormalized to
match the density of the averaged radio galaxy fields. The renor-
malized LF is in complete agreement with the LF of the radio galaxy
fields. A Kolmogorov–Smirnov (KS) test of the two groups results
in a probability of 97 per cent, so there is no difference in Hα lumi-
nosities of galaxies in different environments at z ∼ 2. The simplest
interpretation of this is that there are more star-forming galaxies in

the protoclusters, but the dense environment does not greatly alter
the Hα luminosities of the star-forming galaxies.

3.3.2 Rest-frame R-band luminosity function

For galaxies at z ∼ 2.2, the observed Ks luminosity approximately
corresponds to the light within the rest-frame R band, so the ob-
served Kcont magnitudes were converted into continuum R absolute
magnitudes. The R-band LFs (R-LFs) of the Hα emitters in the
dense radio galaxy fields and the control field are shown in the
right-hand panel of Fig. 8.

The completion limit of the R-LFs is hard to define since the
galaxies were selected in NB not Ks. However, the Hα emitters
were selected in exactly the same manner from each data set, and
only galaxies up to the 95 per cent completion limit of the shallowest
field were included. Therefore, all data sets are consistent, and we
can robustly compare the LFs at faint magnitudes.

The density of control field galaxies with MR > −20.4 is 12 times
below that of the density in the 4C +10.48 field and 14 times below
the MRC 1138−262 field. This is consistent with the overdensities
derived from the Hα LFs. The shape of the MRC 1138−262 and
4C +10.48 R-LFs are similar suggesting that the Hα emitters in
both dense fields have similar luminosities.

The red dashed line is the control field R-LF renormalized to the
average protocluster density. By construction, the faint end of these
cumulative LFs matches, and the red line cannot be shifted up any
further. Any discrepancy in the shapes of the LFs must therefore
be due to differences in the luminosities of the galaxies in different
environments.

Although the R-LFs of the two dense radio galaxy fields are in
close agreement, the shape of the control field R-LF does not re-
semble the protoclusters R-LFs. The slope of the control field R-LF

Figure 8. The cumulative Hα LF (left) and rest-frame continuum-only R-band LF (right) of Hα galaxies in the 4C +10.48 field (solid black lines),
MRC 1138−262 (dotted black lines) and control fields (dashed black lines). The average protocluster LFs, resulting from the combined 4C +10.48 and
MRC 1138−262 data, are shown as solid blue lines. 4C +10.48 and MRC 1138−262 are 12 and 14 times denser than the field, respectively. The red dashed
line is the field LF renormalized to the same density as the average protocluster. The shape of the protocluster and control field Hα LFs are in good agreement,
whilst the R-LFs are not – the protocluster galaxies are typically 0.8 mag brighter than the field galaxies.
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A comparison of protocluster and field Hα emitters at z ∼ 2 3001

subtracting the Kcont flux from the NB flux:

f (Hα) = wNB[f (NB) − f (Kcont)]. (3)

We assumed all NB-excess sources in the radio galaxy fields are
Hα emitters since less than 10 per cent are expected to be interlop-
ers (see discussion in Section 2.3.2). However, contaminants were
removed from the control field sample using optical and IR colour
selection, since more than half of the field NB-excess sources are
not Hα emitters at z ∼ 2.

In order to compare the field and protocluster samples, it is es-
sential that galaxies in the different fields are selected to the same
limit. Therefore, both the radio galaxy and control field catalogues
were limited to galaxies brighter than NB < 20.8 mag, i.e. includ-
ing only galaxies that are brighter than the 95 per cent completion
limit of the shallowest NB field. Sources within 100 kpc of the radio
galaxies were excluded as these may be influenced by the radio jets,
however, including these galaxies does not change our results.

The left-hand panel of Fig. 8 compares the cumulative Hα LF of
Hα emitting candidates detected in the dense radio galaxy fields to
the control field. The normalization of the control field Hα LF is
12 times below that of the 4C +10.48 field, and 14 times below the
MRC 1138−262 protocluster, at all Hα luminosities.

We combined the galaxies in the 4C +10.48 and MRC 1138−262
fields together to form the distribution of the ‘average’ radio galaxy
field (or average protocluster), and plot this as a blue line. The
dashed red line shows the control field Hα LF renormalized to
match the density of the averaged radio galaxy fields. The renor-
malized LF is in complete agreement with the LF of the radio galaxy
fields. A Kolmogorov–Smirnov (KS) test of the two groups results
in a probability of 97 per cent, so there is no difference in Hα lumi-
nosities of galaxies in different environments at z ∼ 2. The simplest
interpretation of this is that there are more star-forming galaxies in

the protoclusters, but the dense environment does not greatly alter
the Hα luminosities of the star-forming galaxies.

3.3.2 Rest-frame R-band luminosity function

For galaxies at z ∼ 2.2, the observed Ks luminosity approximately
corresponds to the light within the rest-frame R band, so the ob-
served Kcont magnitudes were converted into continuum R absolute
magnitudes. The R-band LFs (R-LFs) of the Hα emitters in the
dense radio galaxy fields and the control field are shown in the
right-hand panel of Fig. 8.

The completion limit of the R-LFs is hard to define since the
galaxies were selected in NB not Ks. However, the Hα emitters
were selected in exactly the same manner from each data set, and
only galaxies up to the 95 per cent completion limit of the shallowest
field were included. Therefore, all data sets are consistent, and we
can robustly compare the LFs at faint magnitudes.

The density of control field galaxies with MR > −20.4 is 12 times
below that of the density in the 4C +10.48 field and 14 times below
the MRC 1138−262 field. This is consistent with the overdensities
derived from the Hα LFs. The shape of the MRC 1138−262 and
4C +10.48 R-LFs are similar suggesting that the Hα emitters in
both dense fields have similar luminosities.

The red dashed line is the control field R-LF renormalized to the
average protocluster density. By construction, the faint end of these
cumulative LFs matches, and the red line cannot be shifted up any
further. Any discrepancy in the shapes of the LFs must therefore
be due to differences in the luminosities of the galaxies in different
environments.

Although the R-LFs of the two dense radio galaxy fields are in
close agreement, the shape of the control field R-LF does not re-
semble the protoclusters R-LFs. The slope of the control field R-LF

Figure 8. The cumulative Hα LF (left) and rest-frame continuum-only R-band LF (right) of Hα galaxies in the 4C +10.48 field (solid black lines),
MRC 1138−262 (dotted black lines) and control fields (dashed black lines). The average protocluster LFs, resulting from the combined 4C +10.48 and
MRC 1138−262 data, are shown as solid blue lines. 4C +10.48 and MRC 1138−262 are 12 and 14 times denser than the field, respectively. The red dashed
line is the field LF renormalized to the same density as the average protocluster. The shape of the protocluster and control field Hα LFs are in good agreement,
whilst the R-LFs are not – the protocluster galaxies are typically 0.8 mag brighter than the field galaxies.
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SFRに違いなし
原始銀河団銀河の
星質量は大きい。

— : protocluster
- - : field

赤方偏移2において原始銀河団銀河の
比星形成率はフィールド銀河より小さい。

The SFR versus M∗ relation since z ∼ 2 433

Figure 10. The redshift evolution of the (Hα-derived) SSFR at M∗ =
1010 M⊙ derived from the best-fitting SFR–M∗ relation for cluster (red
squares) and field (black circles) galaxies. The error bars incorporate the
standard deviation around their best-fitting SFR–M∗ relation (see Fig. 8),
and the maximum environmental uncertainty in AHα (0.5 mag; see Fig. 7).
The dotted lines are the evolutionary tracks following ∝ (1 + z)2, ∝ (1 +
z)3 and ∝ (1 + z)4, to guide the eye. The local data point is derived by
adopting z = 0 in the equation of Whitaker et al. (2012).

et al. 2011; Koyama et al. 2013). Our current analysis also supports
the idea that the star-forming galaxies in proto-cluster environment
tend to be more massive than the general field galaxies, and this M∗
excess would also account for the SFR excess in the proto-cluster
environment; this may represent an accelerated galaxy growth in
the early phase of the cluster assembly history.

Finally, we quantify the evolution of the star-forming activity
of star-forming galaxies in the cluster and field environment. In
Fig. 10, we plot the redshift evolution of the SSFR(Hα,M∗) of Hα

emitters in clusters (red squares) and in field environment (black
circles) at the stellar mass of log (M∗/M⊙) =10. It is found that the
SSFR(Hα,M∗) of Hα-selected galaxies evolves significantly, going
approximately as (1 + z)3, since z ∼ 2 in both clusters and the field.
This decline of SSFR is in good agreement with many studies of the
cosmic star formation history (e.g. Yoshida et al. 2006; Karim et al.
2011; Sobral et al. 2013). Therefore, an important indication from
this study is that the evolution of star-forming galaxies in cluster
environments seems to be following the same evolutionary track as
that of general field galaxies, as far as we consider the SFRs derived
from Hα emissions.

3.5 Comparison with other studies

Studying the environmental dependence of galaxy star formation ac-
tivity in the distant Universe is obviously an important step towards
understanding the physical processes which drive the environmen-
tal effects. Since discussion on the ‘reversal’ of the SFR–density
relation was invoked by Elbaz et al. (2007), there has been much
debate about the role of environment in the distant Universe. In
this paper, we reported that the SFR tends to be higher in higher
density environments at z = 0.4 (Section 3.3), and we expect that

this enhancement of SFRs amongst star-forming galaxies in high-
density environment is at least partially responsible for the rever-
sal of the SFR–density relation in the distant Universe. We note
that our results are qualitatively consistent with some recent stud-
ies. For example, Sobral et al. (2011) used Hα emitters sample at
z = 0.8 selected from HiZELS to show higher median SFRs (by
a factor of ∼2–3) in high-density environment compared to low-
density environment. They also showed that the stellar mass of Hα

emitters is weakly correlated with the environment (with ∼0.3 dex
increase in their highest density bins), which also agrees with our
finding in Section 3.3. Tran et al. (2009) analysed MIR data of
a ‘super-group’ environment at z = 0.37 to show that the char-
acteristic IR luminosity (L∗) in the group environment is higher
than that in the field, based on the analysis of the IR luminosity
function (see also Chung et al. 2010). Related to this, some stud-
ies of distant clusters show a peak of star formation activity at a
certain galaxy density which corresponds to group or cluster out-
skirts environment (e.g. Poggianti et al. 2008; Koyama et al. 2010;
Geach et al. 2011).

On the other hand, we find that the environmental dependence
of the SFR–M∗ relation is always small since z ∼ 2 (!0.2 dex at
maximum), even if we take the possible environmental uncertainty
in the dust extinction correction into account. In fact, a growing
number of studies recently have reported a weakness or absence
of any relation between SSFR and environmental density amongst
star-forming galaxies at least out to z ∼ 1, or possibly to z ∼ 2. In
the local Universe, Balogh et al. (2004) showed that the EW(Hα)
distribution (equivalent to SSFR distribution) amongst star-forming
galaxies is independent of environment. More recent studies also
indicated that the SFR–M∗ relation for local star-forming galaxies
does not correlate with the environment (e.g. Peng et al. 2010;
Wijesinghe et al. 2012). Similar suggestions have also been made
for distant star-forming galaxies as well. For example, McGee et al.
(2011) studied a large sample of z = 0.4 group galaxies to show
that the average SSFRs of star-forming galaxies are the same in
groups as in field environments. Muzzin et al. (2012) also showed
that SSFR of star-forming galaxies is independent of environment
at fixed stellar mass from their detailed spectroscopic survey of z ∼
1 cluster galaxies (see also Greene et al. 2012). Furthermore, our
recent studies of distant (proto-)clusters also find a hint that the
SSFR of star-forming galaxies is independent of environment at
fixed stellar mass out to z ∼ 2.5 (Hayashi et al. 2011, 2012; Tadaki
et al. 2012; Koyama et al. 2013).

However, it should be noted that the independence of the SFR–M∗
relation for star-forming galaxies with environment in the distant
Universe is still controversial (Vulcani et al. 2010; Li et al. 2011;
Patel et al. 2011). Indeed, this kind of analysis could be highly
sensitive to the sample selection, the measurement of SFRs, and
the definitions of environment (as we showed in Section 3.3; see
also e.g. Patel et al. 2009). Our samples are purely Hα selected (for
both cluster and field galaxies), and in this sense our cluster–field
comparison would be robust. One possible bias is that our data
are complete only for relatively strong emitters; we recall that our
definition of star-forming galaxies is EW > 30 Å, so that we can-
not discuss faint, low-EW sources. It is likely that such low-EW
sources do exist in both environments (and perhaps they may be
more numerous in cluster environment). However, as reported in
Sobral et al. (2011), such low-EW sources tend to be dominated by
massive galaxies with relatively low SFR (i.e. largely ‘switched-off’
population), so that it would be unlikely that such low-EW sources
have a significant impact on our discussions on ‘star-forming’
galaxies.
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原始銀河団銀河とフィールド銀河で
違いがないという結果も報告されている。
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A comparison of protocluster and field Hα emitters at z ∼ 2 3001

subtracting the Kcont flux from the NB flux:

f (Hα) = wNB[f (NB) − f (Kcont)]. (3)

We assumed all NB-excess sources in the radio galaxy fields are
Hα emitters since less than 10 per cent are expected to be interlop-
ers (see discussion in Section 2.3.2). However, contaminants were
removed from the control field sample using optical and IR colour
selection, since more than half of the field NB-excess sources are
not Hα emitters at z ∼ 2.

In order to compare the field and protocluster samples, it is es-
sential that galaxies in the different fields are selected to the same
limit. Therefore, both the radio galaxy and control field catalogues
were limited to galaxies brighter than NB < 20.8 mag, i.e. includ-
ing only galaxies that are brighter than the 95 per cent completion
limit of the shallowest NB field. Sources within 100 kpc of the radio
galaxies were excluded as these may be influenced by the radio jets,
however, including these galaxies does not change our results.

The left-hand panel of Fig. 8 compares the cumulative Hα LF of
Hα emitting candidates detected in the dense radio galaxy fields to
the control field. The normalization of the control field Hα LF is
12 times below that of the 4C +10.48 field, and 14 times below the
MRC 1138−262 protocluster, at all Hα luminosities.

We combined the galaxies in the 4C +10.48 and MRC 1138−262
fields together to form the distribution of the ‘average’ radio galaxy
field (or average protocluster), and plot this as a blue line. The
dashed red line shows the control field Hα LF renormalized to
match the density of the averaged radio galaxy fields. The renor-
malized LF is in complete agreement with the LF of the radio galaxy
fields. A Kolmogorov–Smirnov (KS) test of the two groups results
in a probability of 97 per cent, so there is no difference in Hα lumi-
nosities of galaxies in different environments at z ∼ 2. The simplest
interpretation of this is that there are more star-forming galaxies in

the protoclusters, but the dense environment does not greatly alter
the Hα luminosities of the star-forming galaxies.

3.3.2 Rest-frame R-band luminosity function

For galaxies at z ∼ 2.2, the observed Ks luminosity approximately
corresponds to the light within the rest-frame R band, so the ob-
served Kcont magnitudes were converted into continuum R absolute
magnitudes. The R-band LFs (R-LFs) of the Hα emitters in the
dense radio galaxy fields and the control field are shown in the
right-hand panel of Fig. 8.

The completion limit of the R-LFs is hard to define since the
galaxies were selected in NB not Ks. However, the Hα emitters
were selected in exactly the same manner from each data set, and
only galaxies up to the 95 per cent completion limit of the shallowest
field were included. Therefore, all data sets are consistent, and we
can robustly compare the LFs at faint magnitudes.

The density of control field galaxies with MR > −20.4 is 12 times
below that of the density in the 4C +10.48 field and 14 times below
the MRC 1138−262 field. This is consistent with the overdensities
derived from the Hα LFs. The shape of the MRC 1138−262 and
4C +10.48 R-LFs are similar suggesting that the Hα emitters in
both dense fields have similar luminosities.

The red dashed line is the control field R-LF renormalized to the
average protocluster density. By construction, the faint end of these
cumulative LFs matches, and the red line cannot be shifted up any
further. Any discrepancy in the shapes of the LFs must therefore
be due to differences in the luminosities of the galaxies in different
environments.

Although the R-LFs of the two dense radio galaxy fields are in
close agreement, the shape of the control field R-LF does not re-
semble the protoclusters R-LFs. The slope of the control field R-LF

Figure 8. The cumulative Hα LF (left) and rest-frame continuum-only R-band LF (right) of Hα galaxies in the 4C +10.48 field (solid black lines),
MRC 1138−262 (dotted black lines) and control fields (dashed black lines). The average protocluster LFs, resulting from the combined 4C +10.48 and
MRC 1138−262 data, are shown as solid blue lines. 4C +10.48 and MRC 1138−262 are 12 and 14 times denser than the field, respectively. The red dashed
line is the field LF renormalized to the same density as the average protocluster. The shape of the protocluster and control field Hα LFs are in good agreement,
whilst the R-LFs are not – the protocluster galaxies are typically 0.8 mag brighter than the field galaxies.

C⃝ 2011 The Authors, MNRAS 415, 2993–3005
Monthly Notices of the Royal Astronomical Society C⃝ 2011 RAS
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Hatch et al. (2011)

SFRに違いなし
原始銀河団銀河の
星質量は大きい。

— : protocluster
- - : field

赤方偏移2において原始銀河団銀河の
比星形成率はフィールド銀河より小さい。

The SFR versus M∗ relation since z ∼ 2 433

Figure 10. The redshift evolution of the (Hα-derived) SSFR at M∗ =
1010 M⊙ derived from the best-fitting SFR–M∗ relation for cluster (red
squares) and field (black circles) galaxies. The error bars incorporate the
standard deviation around their best-fitting SFR–M∗ relation (see Fig. 8),
and the maximum environmental uncertainty in AHα (0.5 mag; see Fig. 7).
The dotted lines are the evolutionary tracks following ∝ (1 + z)2, ∝ (1 +
z)3 and ∝ (1 + z)4, to guide the eye. The local data point is derived by
adopting z = 0 in the equation of Whitaker et al. (2012).

et al. 2011; Koyama et al. 2013). Our current analysis also supports
the idea that the star-forming galaxies in proto-cluster environment
tend to be more massive than the general field galaxies, and this M∗
excess would also account for the SFR excess in the proto-cluster
environment; this may represent an accelerated galaxy growth in
the early phase of the cluster assembly history.

Finally, we quantify the evolution of the star-forming activity
of star-forming galaxies in the cluster and field environment. In
Fig. 10, we plot the redshift evolution of the SSFR(Hα,M∗) of Hα

emitters in clusters (red squares) and in field environment (black
circles) at the stellar mass of log (M∗/M⊙) =10. It is found that the
SSFR(Hα,M∗) of Hα-selected galaxies evolves significantly, going
approximately as (1 + z)3, since z ∼ 2 in both clusters and the field.
This decline of SSFR is in good agreement with many studies of the
cosmic star formation history (e.g. Yoshida et al. 2006; Karim et al.
2011; Sobral et al. 2013). Therefore, an important indication from
this study is that the evolution of star-forming galaxies in cluster
environments seems to be following the same evolutionary track as
that of general field galaxies, as far as we consider the SFRs derived
from Hα emissions.

3.5 Comparison with other studies

Studying the environmental dependence of galaxy star formation ac-
tivity in the distant Universe is obviously an important step towards
understanding the physical processes which drive the environmen-
tal effects. Since discussion on the ‘reversal’ of the SFR–density
relation was invoked by Elbaz et al. (2007), there has been much
debate about the role of environment in the distant Universe. In
this paper, we reported that the SFR tends to be higher in higher
density environments at z = 0.4 (Section 3.3), and we expect that

this enhancement of SFRs amongst star-forming galaxies in high-
density environment is at least partially responsible for the rever-
sal of the SFR–density relation in the distant Universe. We note
that our results are qualitatively consistent with some recent stud-
ies. For example, Sobral et al. (2011) used Hα emitters sample at
z = 0.8 selected from HiZELS to show higher median SFRs (by
a factor of ∼2–3) in high-density environment compared to low-
density environment. They also showed that the stellar mass of Hα

emitters is weakly correlated with the environment (with ∼0.3 dex
increase in their highest density bins), which also agrees with our
finding in Section 3.3. Tran et al. (2009) analysed MIR data of
a ‘super-group’ environment at z = 0.37 to show that the char-
acteristic IR luminosity (L∗) in the group environment is higher
than that in the field, based on the analysis of the IR luminosity
function (see also Chung et al. 2010). Related to this, some stud-
ies of distant clusters show a peak of star formation activity at a
certain galaxy density which corresponds to group or cluster out-
skirts environment (e.g. Poggianti et al. 2008; Koyama et al. 2010;
Geach et al. 2011).

On the other hand, we find that the environmental dependence
of the SFR–M∗ relation is always small since z ∼ 2 (!0.2 dex at
maximum), even if we take the possible environmental uncertainty
in the dust extinction correction into account. In fact, a growing
number of studies recently have reported a weakness or absence
of any relation between SSFR and environmental density amongst
star-forming galaxies at least out to z ∼ 1, or possibly to z ∼ 2. In
the local Universe, Balogh et al. (2004) showed that the EW(Hα)
distribution (equivalent to SSFR distribution) amongst star-forming
galaxies is independent of environment. More recent studies also
indicated that the SFR–M∗ relation for local star-forming galaxies
does not correlate with the environment (e.g. Peng et al. 2010;
Wijesinghe et al. 2012). Similar suggestions have also been made
for distant star-forming galaxies as well. For example, McGee et al.
(2011) studied a large sample of z = 0.4 group galaxies to show
that the average SSFRs of star-forming galaxies are the same in
groups as in field environments. Muzzin et al. (2012) also showed
that SSFR of star-forming galaxies is independent of environment
at fixed stellar mass from their detailed spectroscopic survey of z ∼
1 cluster galaxies (see also Greene et al. 2012). Furthermore, our
recent studies of distant (proto-)clusters also find a hint that the
SSFR of star-forming galaxies is independent of environment at
fixed stellar mass out to z ∼ 2.5 (Hayashi et al. 2011, 2012; Tadaki
et al. 2012; Koyama et al. 2013).

However, it should be noted that the independence of the SFR–M∗
relation for star-forming galaxies with environment in the distant
Universe is still controversial (Vulcani et al. 2010; Li et al. 2011;
Patel et al. 2011). Indeed, this kind of analysis could be highly
sensitive to the sample selection, the measurement of SFRs, and
the definitions of environment (as we showed in Section 3.3; see
also e.g. Patel et al. 2009). Our samples are purely Hα selected (for
both cluster and field galaxies), and in this sense our cluster–field
comparison would be robust. One possible bias is that our data
are complete only for relatively strong emitters; we recall that our
definition of star-forming galaxies is EW > 30 Å, so that we can-
not discuss faint, low-EW sources. It is likely that such low-EW
sources do exist in both environments (and perhaps they may be
more numerous in cluster environment). However, as reported in
Sobral et al. (2011), such low-EW sources tend to be dominated by
massive galaxies with relatively low SFR (i.e. largely ‘switched-off’
population), so that it would be unlikely that such low-EW sources
have a significant impact on our discussions on ‘star-forming’
galaxies.
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Koyama et al. (2013)

原始銀河団銀河とフィールド銀河で
違いがないという結果も報告されている。

大規模サンプルを用いた
統計的な研究が必要



‣HSC原始銀河団探査

- 赤方偏移４における大規模サンプルの構築 

- 高密度領域のクラスタリング解析

- 将来計画

HSC project 96
         First Systematic Studies of Protoclusters at z~2-6



Science goals

1. Ultradeep/Deep layer (~27 deg2)
　z~2-6にわたって各赤方偏移で10-20個の発見が期待される
　→ 原始銀河団の赤方偏移進化
2. Wide layer (~1400 deg2)
    z=4において1000個の発見が期待される
　→ 原始銀河団の性質の多様性

layer 観測領域 (deg2) filters 深さ (mag)
Wide 1400 (700 deg2 × 2 fields) grizy i~25.9
Deep 27 (7 deg2  × 4 fields) grizy + 3NB i~26.8

Ultradeep 3.5 (1.8 deg2 × 2 fields) grizy + 3NB i~27.4

＊原始銀河団の探査手法は、
　CFHTLSでの原始銀河団探査(Toshikawa et al. 2016)と
　　　　　　　　　　　　同じものをHSCサーベイにも適用する。
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原始銀河団候補
どれくらいの密度超過の有意性を持つ領域が
　　　　　　　　　　　　　原始銀河団候補なのか？

high-z

low-z

48deg2の擬似銀河カタログ 
(2deg2×24通り)

理論モデルを用いて、
　　　　　　密度超過とz=0でのハロー質量の関係を調べる。

1. N体DMシミュレーション (Millennium simulation; Springel et al. 2005)
2.準解析的銀河形成モデル (Guo et al. 2011)
3.銀河間吸収、視線方向にシミュレーションボックスを並べる。  

                                              (Henriques et al. 2012; Overzier et al. 2013)

観測に対応する銀河サンプルを
選び出し、その分布を調べる。
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予測される銀河分布 (z~6での例)

観測と同様に数密度を決め、
密度超過とz=0のハロー質量の
関係を調べる。
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銀河団
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75%z~6での例

4σ以上の有意性を持つ高密度領域は
76%の確率でhalo massが>1014Msunになる

原始銀河団候補
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赤方偏移方向についても
銀河が集中していることを確認

homogeneous
distribution

excess

- 空間分布

- 赤方偏移分布

CFHTLSでの先行研究により手法の有効性は確認した。
HSCサーベイにおいて赤方偏移４の原始銀河団探査を行う。
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WIDE-XMMでの高密度領域
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WIDE-XMMでの高密度領域
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131個の原始銀河団候補を同定した
平均数密度は1deg2あたりに１個
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高密度領域の数密度・分布
130deg2に131個の原始銀河団候補 → n=2.8×10-7 Mpc-3

角度相関関数から相関長は r0=33.3 (14.8 - 44.7) Mpc
　　　　　　　　　　　　＊LBGの赤方偏移分布をそのまま適用した。

We use the redshift selection function to estimate the spatial
number density of the galaxy clusters. The number density is
equal to

n ¼ N
R

1þ zð Þ2p zð Þd2AE zð Þ%1 dz
; ð10Þ

whereN is the observed surface density, and we define the func-
tion (Peebles 1993, pp. 100, 312, and 332):

E zð Þ ¼ c

H0

! "%1

!m 1þ zð Þ3þ!R 1þ zð Þ2þ!"

h i1=2
; ð11Þ

where !R ¼ 1% !m % !" & 0 here. The denominator of equa-
tion (10) is the effective volume per unit solid angle. The effec-
tive volume differs from the comoving volume by p(z), which is
the probability that a cluster with redshift zwill be selected using
the method here, thus 0 ' p(z) ' 1 for all z. The quantity p(z)
compensates for various selection biases and incompleteness. We
generally assume here that p(z) / dN /dz with a normalization
such that p(z) ¼ 1:0 for 1:3 < z < 1:5. However, the complete-
ness is poorly known given the relatively complicated selection
function for the high-redshift clusters (see above). Therefore, in
the discussion that follows we also consider other distributions
for p(z) that should span the possible plausible range. This pro-
vides limits on the effective volume for the high-redshift clusters
until improvements in the selection function become available
(either from spectroscopic or accurate photometric redshifts).

Applying equation (10) to the redshift selection function with
the numbers in Table 1, the spatial number density of the high-
redshift galaxy clusters is n ¼ 1:2 ( 0:1 ; 10%5 h3 Mpc%3, where
the uncertainty is the standard deviation on the spatial densities
derived separately for the six SWIRE fields. However, the num-
ber density depends on the assumed redshift selection function,
which we discuss further in x 5.3.

5.2. Spatial Clustering of High-Redshift Clusters

The angular correlation function,w(!), corresponds to the three-
dimensional spatial correlation function, "(r), projected on sky.
They are related through the Limber projection using a known
redshift selection function, dN /dz (Efstathiou et al. 1991; Peebles
1980, xx 50 and 52). Allowing the evolution of the spatial corre-
lation function to follow, "(r; z) ¼ "(r; 0) f (z), where "(r; 0) ¼
(r /r0 )

%# as above, and conventionally f (z) ¼ (1þ z)% 3%#þ$ð Þ,
then the relation between the amplitude of the angular correla-
tion function and the spatial correlation function is (Efstathiou
et al. 1991)

Aw ¼ H#r
#
0

Z
f zð Þ d1%#

C zð Þ dN

dz

! "2
E zð Þ dz

Z
dN

dz
dz

! "%2

;

ð12Þ

where dC is the comoving distance, dN /dz is the redshift selec-
tion function, E(z) is defined in equation (11), andH# is a numer-
ical factor given by (Peebles 1980, x 52)

H# ¼
ffiffiffi
%

p # # % 1ð Þ=2½ *
# #=2ð Þ : ð13Þ

Following the arguments of Giavalisco et al. (1998) for the
large spatial scales considered here, the effective variation in the
correlation length, r0, should be small. Therefore, we take $ ¼
# % 3, corresponding to constant clustering in comoving units

over the redshift range considered here. In this case, r0 (z) ¼ r0 is
the correlation length at the epoch of the observation.
We solve equation (12) for the spatial correlation scale length,

r0, using the redshift selection function derived in x 5.1 (see
Fig. 8) and Aw and & derived for the angular correlation function
in x 4. For the case in which & ¼ 1:0 (Aw ¼ 2:4 ( 0:2), we de-
rive r0 ¼ 26:9 ( 5:6 h%1 Mpc. For the case in which & varies
(Aw ¼ 3:1 ( 0:5 and & ¼ 1:1 ( 0:1), we derive r0 ¼ 22:4 (
3:6 h%1 Mpc. Because these two cases give consistent answers,
we quote here the value for the latter, which includes the larger
error and is thus more conservative.
Figure 9 illustrates the relation of r0 to the spatial density, n,

for the high-redshift galaxy clusters discussed here to other sam-
ples in the literature. The spatial correlation scale length for the
high-redshift galaxy clusters is comparable to that derived for
optically selected rich clusters at relatively low redshift (0:1 <
z < 0:3; Bahcall et al. 2003). This implies that the high-redshift
galaxy clusters selected by IRAC are progenitors of low-redshift
galaxy clusters. The spatial correlation function scale length is
also consistent with those derived for luminous X-ray clusters
(LXk 1043 ergs s%1), which range from r0 + 25 to 30 h%1 Mpc
(Abadi et al. 1998; Lee & Park 1999; Collins et al. 2000, with
values taken from Bahcall et al. 2003). Therefore, some of the
high-redshift galaxy clusters seem destined to become luminous
X-ray clusters.
The largest uncertainty in the derived spatial correlation scale

length stems from the assumed shape of the redshift selection
function, dN /dz. In particular, our redshift selection function is
fairly broad and assumes the clusters are smoothly distributed
over 1:1 < zP3:0. If the clusters show prominent, discrete voids

Fig. 9.—Comoving number density, n, vs. the spatial correlation function
scale length, r0, for various objects at different redshifts. The large filled circle
shows the value derived here for the IRAC-selected high-redshift cluster candi-
dates, assuming the redshift distribution in Fig. 8, and includes an additional
systematic error (summed in quadrature) of '(r0 ) ¼ 5 h%1 Mpc for uncertainties
in the redshift selection function. The filled squares show optically selected gal-
axy clusters fromSDSSwithNgal > 10, 13, 15, and 20 fromBahcall et al. (2003).
The four-point stars showX-ray–selected galaxy clusters with LXk1043 ergs s%1

(Abadi et al. 1998; Lee & Park 1999; Collins et al. 2000; Bahcall et al. 2003).
Filled pentagons show the z + 1 galaxy sample from DEEP2 (Coil et al. 2006a ),
and filled diamonds show the z + 1 galaxy–group sample from DEEP2 (Coil
et al. 2006b). The filled triangles show K-band selected galaxies at z + 2 from
Quadri et al. (2007). The filled pentagrams show UV-selected U-dropouts at
1:5 < z < 2:0, 2:0 < z < 2:5, and 2:5 < z < 3:5 from Adelberger et al. (2005).
The lines show various models. The dot-dashed line shows the empirical relation
r0 + 2:6n%3=2 derived for a "CDMmodel used by Bahcall et al. (2003). The red
lines show predictions from the Millenniummodel simulations for z ¼ 0:2 (solid
line) and z ¼ 1:5 (dashed line).
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まとめ・将来計画

今後は
1.他の赤方偏移、NBでの探査
2.高密度領域とQSO/RGなどの特異天体との相関
3.銀河の性質(SED fittingなど)と環境の関係
4.クラスタリング解析からのハロー質量の測定
5.高密度領域内での銀河分布
6.様々な追観測の提案

- HSCの広視野サーベイを用いて
　　　　　　無バイアスな原始銀河団探査を行なった。
- 130deg2の領域から131個の原始銀河団候補を同定した。
- クラスタリングから密度・相関長関係は理論予測と一致
- ハロー質量の推定には詳細な検討が必要


