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高赤方偏移銀河内はどのような値が適切だろうか？	



異なる環境での星形成効率 	
The Astrophysical Journal, 768:74 (22pp), 2013 May 1 Tacconi et al.
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Figure 7. Molecular-gas–star-formation-scaling relation. Left: molecular-gas–star-formation surface-density relationship (“Kennicutt–Schmidt” relation), for z ∼ 0
“near main-sequence” SFGs (open gray circles: Kennicutt 1998a; Gracia-Carpio 2008; Genzel et al. 2010; Armus et al. 2009), z = 1–1.5 SFGs (black filled circles:
PHIBSS, including Daddi et al. 2010a; Magnelli et al. 2012b), z = 1.53 EGS13011166 (filled cyan squares: Genzel et al. 2013), z = 2–2.5 detected SFGs (open
crossed red squares, PHIBSS). The dotted gray and red lines mark the best-fit linear (N = 1) fits to the low-z and high-z data. Right: distribution of depletion timescales
inferred from the 50 z = 1–1.5 SFGs in the left panel (black shaded histogram). The distribution has a median of tdepl = 0.7 Gyr and a dispersion of 0.24 dex. For the
SDSS selected, z ∼ 0 COLDGASS survey for main-sequence galaxies matched to the same mass range and coverage of the main sequence as PHIBSS (Saintonge
et al. 2011a), the corresponding depletion timescale and scatter are 1.24 ± 0.06 Gyr and ±0.23 dex (blue histogram). A typical Poisson error for both low- and high-z
distributions is indicated.
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Figure 8. Left: comparison of gas surface-density–star-formation surface-density relation of the z = 0 and z = 1–3 main-sequence SFGs (gray filled circles and black
open squares), with various off-main-sequence populations, all for a common α = 4.36 Milky Way, conversion factor. The open and crossed red squares denote z = 0
single (non-merging: open red squares) and merging (crossed red squares) luminous infrared galaxies (LIRGs: LIR ∼ 1011 to 1012 L⊙) from the GOALS survey
(Armus et al. 2009), the filled red squares denote ultraluminous (ULIRGs: LIR ! 1012 L⊙) mergers in the Kennicutt (1998a), Gracia Carpio (2008), and GOALS
(Armus et al. 2009) surveys. The blue crosses denote z = 0.4–1 ULIRGs from Combes et al. (2013a). The filled green circles denote more distantly interacting z ∼ 0
galaxies in the same surveys. The cyan filled squares mark z = 1–4 submillimeter detected galaxies (SMGs) from the compilations of Tacconi et al. (2006, 2008),
Engel et al. (2010), Bothwell et al. (2013), and Magnelli et al. (2012a). A change of the conversion factor from the Milky Way to the “ULIRG” value (α ∼ 1) is
marked by a horizontal black arrow. Right: comparison of the observed CO luminosity in the J = 3–2 line in the high-z SFGs and SMGs with z ∼ 0 SFGs, LIRGs,
and ULIRGs, with the nomenclature the same as in the left panel. The CO 3–2 observations in the local samples are from Iono et al. (2009), Wilson et al. (2012), and
Papadopoulos et al. (2010).
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High-‐z	  v.s.	  low-‐z	

Tacconi	  et	  al.	  (2013)	  	

High-‐z,	  merging	  galaxiesは	  
効率良く星が作られている？	  

The Astrophysical Journal, 745:190 (6pp), 2012 February 1 Lada et al.
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Figure 2. SFR–molecular-mass diagram for local molecular clouds and galaxies
from the Gao & Solomon (2004a) sample. The solid symbols correspond to
measurements of dense cloud masses either from extinction observations of
the galactic clouds or HCN observations of the galaxies. The open symbols
correspond to measurements of total cloud masses of the same clouds and
galaxies, either from extinction measurements for the galactic clouds or CO
observations for the galaxies. For the galaxies, pentagons represent the locations
of normal spirals, while the positions of starburst galaxies are represented by
squares (LIRGs) and inverted triangles (ULIRGs). Triangles represent high-z
BzK galaxies. The star formation rates for the Gao and Solomon galaxies have
been adjusted upward by a factor of 2.7 to match those of galactic clouds when
extrapolated to local cloud masses (see the text).

these galaxies are those determined by GS04 after the upward
adjustment described above.

Adjusting the GS04 SFRs upward implicitly assumes that
the SFRs determined from LFIR underestimate the true SFRs, at
least when extrapolated to local clouds. In an attempt to assess
this possibility we investigated the relation between LFIR and
SFR in the local cloud sample. In the local cloud sample of
Paper I, the SFR is dominated by the Orion A and B molecular
clouds which account for 67% of the total SFR for all the clouds
in the sample. Following the prescription of GS04 we used
IRAS observations to determine the FIR luminosity of a 100 pc
diameter region encompassing both the Orion A and B clouds.
We calculated the FIR luminosity to be 5.4 × 105 L⊙. Using
the relation ṀSFR ≈ 2 × 10−10(LIR/L⊙) M⊙yr−1 (following
GS04 and Kennicutt 1998b), this corresponds to SFR = 1.1 ×
10−4 M⊙ yr−1, a value which is a factor of eight lower than the
combined SFR (8.7 × 10−4 M⊙ yr−1) determined for the Orion
A and B clouds in Paper I. We note that much of this deficit is
likely due to the fact that the extragalactic FIR prescription for
SFRs is appropriate for star formation timescales of 10–100 Myr
and a well-sampled IMF at high stellar masses while the SFRs
for the local cloud sample are derived for a 2 Myr timescale and
for a young stellar population that does not as completely sample
the high mass end of the IMF. Nonetheless, these considerations
suggest that at least some upward adjustment of the GS04 SFRs
may be necessary for comparison with local clouds. Indeed, a
recent comparison of SFR estimates for the whole Galaxy with
those for external galaxies also suggests that an upward revision
of extragalactic SFRs may generally be warranted (Chomiuk &
Povich 2011).

Another consequence of the upward adjustment of the SFRs
is that of a corresponding decrease in the estimated total
molecular gas depletion times for the GS04 galaxies. This
decrease would amount to a factor of 2.7 for the adjustment
factor we adopted and have potentially important consequences
for our understanding of galaxy evolution. These decreased gas
depletion times for the GS04 galaxies are consistent with those
that describe the local galactic clouds (e.g., Figure 1). However,
we hesitate in drawing too firm a conclusion regarding this
particular issue since it does depend somewhat on our choice
of adjustment options (i.e., (1), (2), or (3)). For example, if we
selected option (2) above, only the depletion time for the dense
gas component of the galaxies would be lowered. It is also
interesting to note in this context that the depletion times for the
dense star-forming gas are typically an order of magnitude lower
than those estimated for the total molecular gas component in
both galaxies and local clouds, and this remains true independent
of any adjustments to the galaxy data.

As discussed earlier, instead of adjusting the SFRs, we could
have adjusted the GS04 galaxy masses (downward) by the
same constant offset in log(M). By not correcting the mass
estimates we are assuming that the molecular-line derived
masses and the extinction derived masses accurately reflect
the same cloud material, that is, MDG = MHCN and MTG =
MCO. To assess this possibility for the case of the total cloud
masses, MTG, we compared the extinction measurements with
CO observations of a subset of the local cloud sample. We
obtained CO data for five of the clouds from the archive of the
CfA 1.2 m Millimeter-wave Telescope (Dame et al. 2001). The
12CO observations were averaged over the individual clouds
and the integrated CO intensities were measured for each cloud.
Applying the standard CO-to-H2 conversion factor of 2 ×
1020 cm−2 (K km s−1)−1 (Dame et al. 2001) to convert the
integrated intensities to H2 column densities, we determined
the mass of each cloud. We found these CO derived masses
to all agree with the corresponding extinction (AK ! 0.1 mag)
derived masses to better than 12%, indicating that the extinction
(AK > 0.1 mag) and CO derived total masses both trace the
same cloud material for local clouds. This suggests that total
masses derived from CO can be a good proxy for extinction
derived total masses and thus that the masses derived from CO
observations of galaxies can be compared directly with those of
the local cloud sample, provided that the galaxy measurements
trace the summed CO emission from a population of Giant
Molecular Clouds (GMCs). If there is any diffuse CO emission
from inert, non-star-forming, molecular gas contributing to the
galaxy-averaged CO measurements, then the CO masses derived
for galaxies overestimate the masses in star-forming GMCs. In
such a case the CO derived masses for the galaxies would have
to be adjusted downward to compare to the local observations.

A similar comparison of extinction and HCN derived masses
is not possible for the local clouds since the corresponding HCN
observations of these clouds do not exist. This is unfortunate
because the HCN masses derived by GS04 are likely upper
limits to the true masses (Gao & Solomon 2004b). For example,
if the clouds are bound but not virialized then the derived masses
could be somewhat overestimated. Thus, although it appears that
the extragalactic CO derived masses can be directly placed on
the SFR–molecular-cloud-mass diagram without any systematic
adjustment, the situation is somewhat less certain for the HCN
masses derived by GS04. However, we note that the average
ratio of dense gas (i.e., AV ! 0.8 mag) to total cloud mass
(i.e., AV ! 0.1 mag) calculated from the extinction data is
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大質量星による分子雲の破壊	

Geen	  et	  al.	  (2017)	

３次元輻射流体計算により星団形成、	  
分子雲破壊の計算が行われつつある	  
星形成効率の直接計算	

4 S. Geen
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Figure 1. Sequence of hydrogen column density maps in simulation L-RT (t� = 4.2 Myr). Each sink particle is shown as a pie chart, whose area is proportional
to the sink particle mass. The fraction shaded in red captures all of the mass accreted in the last 3 Myr, i.e. the fraction in YSOs.

We also give estimates for the error in column densities found
in our simulations by allowing extinction thresholds to vary by
Ak = ±0.1 (±0.05 if the median Ak used is 0.1). We do not create
complex synthetic observations of our simulations that reproduce
observed column densities in molecular clouds. This is because
we lack a sophisticated dust model in our simulations necessary to
perform the conversion to column density described in Section 3.
We instead assume that these conversions are accurate to within
our given errors, and leave deeper comparisons of column density
estimates for future work.

As sink particles accrete mass from surrounding dense gas,
they produce ionising radiation that disperses the surrounding mate-
rial by heating the gas to ⇠ 104 K, causing the surrounding material
to expand and push away infalling matter. This prevents further ac-
cretion onto this sink, as well as nearby sinks. Eventually the entire
cloud is dispersed, halting star formation globally in the cloud.

There are a number of separate star-forming volumes in our
cloud, represented by clusters of sink particles. In panel 2 of Figure
1 at 8.4 Myr, these volumes are found on the edge of the central
ionisation front. This might imply that star formation is triggered by
the presence of an ionisation front. However, since our star formation

e�ciency is reduced by the presence of star formation, we invoke
the suggestion of Dale et al. (2015) that these locations would form
stars anyway in the absence of an ionisation front. We note that
there is no “central” source for the ionising radiation in panel 2.
Rather, the sources of ionising radiation follow the expanding shell
via gravitational attraction, and the star cluster becomes unbound
by 16 Myr.

4.1 Comparisons with Observed Cloud Structure

In Figure 2 we compare the density distribution of material in our
clouds against that of the nearby Gould Belt clouds, listed in Table
2. We plot the cumulative mass in bins of descending density for our
simulations at t� and 2t� as well as the clouds described in Section 3.
We convolve our results with a PSF corresponding to the instrument
FWHM of 10’ at three distance bins. These are Near at 150 pc, Mid-
range at 300 pc and Far at 500 pc. This removes signal from higher
column densities. In the Herschel comparison, we use the Aquila
cloud, which is at a distance of 260 pc. The instrument FWHM is
0.2’, giving a PSF of size 0.06 pc at this distance. This is smaller than
the maximum spatial resolution in our simulations. The convolved
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星形成効率と星形成率密度	

1548 J. Schaye et al.

Figure 9. As Fig. 5, but comparing the SFHs for the reference model
(black, solid), which uses a fixed threshold density for SF, to that of model
SFTHRESZ (red, dashed), for which the SF threshold decreases with metal-
licity as predicted by Schaye (2004). The threshold densities in the two
models agree for a metallicity of 0.1 Z⊙. Both simulations use a 25 h−1 Mpc
box and 2 × 5123 particles. At very high redshift, the metallicity is low and
the total SFR is smaller for SFTHRESZ because it has a higher threshold
density at this point. Below z = 6 the situation is reversed, but the differ-
ence between the SFHs is very small, suggesting that the cosmic SFR is
dominated by galaxies that are able to regulate their SFRs.

z < 6 the SFR is slightly higher than in the REF model, which
indicates that the metallicity of the star-forming gas is typically
higher than 0.1 Z⊙, but the effect is marginal. Apparently, after
a brief period in which the SFR is dominated by haloes that are
just resolved and therefore just starting to form stars, the predicted
SFRs become insensitive to the SF threshold. This suggests that
the galaxies are able to regulate their SFRs. We will provide more
evidence for this below.

4.5.2 The Kennicutt–Schmidt star formation law

As discussed in Section 3.1.3, gas on the effective EOS is al-
lowed to form stars at a pressure-dependent rate that reproduces
the observed Kennicutt–Schmidt law (Kennicutt 1998), !̇∗ =
A(!g/1 M⊙ pc−2)n, with A = 1.515 × 10−4 M⊙ yr−1 kpc−2 and
n = 1.4. The normalization (A) and slope (n) are constrained by
observations, but remain controversial (e.g. Blanc et al. 2009). To
develop an understanding of the physical role of the SF law, we
have carried out one run with a different slope and two with differ-
ent amplitudes.

Fig. 10 compares a run with n = 1.75 (model SFSLOPE1p75;
red, dashed) with our reference model, which uses n = 1.4. The
SF laws are in both cases normalized at !g = 1 M⊙ pc−2, which
is below the threshold and hence implies that the SFR is higher for
all densities in the run with the steeper slope SF law. For z > 6,
the cosmic SFR is indeed higher in the run with n = 1.75. This is
expected because at these high redshifts, the SFR is dominated by
haloes that are just resolved and therefore just starting to form stars.
These galaxies have not yet had time to become self-regulating,
and their SFRs are inversely proportional to the gas consumption
time-scales implied by the SF law.

Below z = 6, however, the SFRs in the two runs are nearly indis-
tinguishable. This strongly suggests that the galaxies are regulating
their SFRs such that they produce the same number of stars, and thus

Figure 10. As Fig. 5, but comparing the SFHs for models with varying
Kennicutt–Schmidt SF laws. Model SFSLOPE1p75 (red, dashed) assumes
a power-law slope n = 1.75 whereas the other models use our fiducial
value n = 1.4. For models SFAMPLx3 (blue, dot–dashed) and SFAMPLx6
(olive, dotted) the amplitude of the SF law has been multiplied by factors
of 3 and 6, respectively. All simulations use a 25 h−1 Mpc box and 2 ×
5123 particles. At very high redshift, when the SFR in the simulations is
dominated by poorly resolved haloes, a more efficient SF law yields a higher
SFR. After this initial phase the SFH is insensitive to the assumed SF law,
which suggests that it is dominated by galaxies that are able to regulate their
SFRs.

the same amount of SN energy, irrespective of the gas consumption
time-scale. If a galaxy of a given halo mass, and hence with a fixed
accretion rate, injects too little SN energy for a galactic outflow
to balance the accretion rate, then the gas fraction, and hence the
SFR, will increase. If, on the other hand, the SN rate is higher than
required to balance the infall, then the gas fraction, and thus the
SFR, will decrease. We thus expect that when the SF efficiency is
changed, the galaxies will adjust their gas fractions so as to keep
their SFR fixed. In Haas et al. (in preparation), we show that this is
indeed what happens.

Finally, Fig. 10 shows that models in which the amplitude of
the SF law is multiplied by factors of 3 (SFAMPLx3; blue, dot–
dashed) and 6 (SFAMPLx6; olive, dotted), respectively, show the
same behaviour. Initially, the SFR increases with A, but the SFR
then quickly asymptotes to a fixed SFH. Observe that the two runs
with higher amplitudes converge to a common evolution before the
reference model joins them. This is because galaxies can regulate
their SF more quickly if the SF efficiency is higher. Apparently,
the cosmic SFR in the reference model only becomes dominated
by self-regulated galaxies by z = 6. Note that higher resolution
simulations may well find that self-regulation dominates already at
higher redshifts because they can resolve SF in the progenitors of
our lowest mass galaxies.

4.6 Intermediate-mass stars

Previous numerical studies of the cosmic SFH have mostly used the
instantaneous recycling approximation (but see e.g. Oppenheimer
& Davé 2008; Crain et al. 2009), which means that star particles
eject all the products of stellar evolution immediately following
their formation. Moreover, individual elements are typically not
tracked. Instead, each gas element carries only a single metallicity
variable and relative abundances are assumed to be solar. Further-
more, such simulations neglect mass loss, i.e. star particles change

C⃝ 2009 The Authors. Journal compilation C⃝ 2009 RAS, MNRAS 402, 1536–1560
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フィードバックによる	  
Self-‐regulaOonのために星形
成効率を大きくしても宇宙の
星形成率密度は変わらない	

高精度ズームイン計算では?	
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高分解能シミュレーションでは？	

高い星形成効率	 低い星形成効率	

ガスの柱密度	200kpc(comoving)	

Yajima,	  Nagamine	  et	  al.	  (2017)	
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星形成史	

間欠的星形成	

Halo-‐11	  
低星形成効率	  
フィードバックなし	

低星形成効率モデルの方が
結果的にSFRが大きい	  
フィードバック効率が小さくな
るため	

安定した星形成?	

星分布のコンパクトネスにも影響	

“Cloud内”の星形成効率は銀河の星形成史、	  
形態には大きな影響	  
高赤方偏移銀河内の冷たいガス雲の状態(e.g.密度)が鍵？	  

Yajima,	  Nagamine	  et	  al.	  (2017)	



星種族：初代星銀河は存在するか？	

have direct evidence of the intense Lyman–Werner radiation
(rest-frame 912–1000 Å) from the brightest UV clump. It is
therefore possible that the other clumps have emitted as much
or even more of such radiation a few ∼100Myr before,
preventing what is now the site of young massive stars (A) to
form before and potentially allowing for that pocket of metal
free gas to remain metal free. There are of course, other
potential interpretations of our observations. In Section 6 we
discuss the different potential scenarios in detail.

6. DISCUSSION

6.1. The Nature of CR7

CR7, with a luminosity of L 10Ly
43.93 0.05=a erg s−1 is

∼3×more luminous than any known Lyα emitter within the
epoch of reionization (e.g., Ouchi et al. 2013).

Our optical spectrum shows that the source is very blue
toward the extreme ultra-violet up to the Lyman limit at

912 Å rest-frame, as we detect some faint continuum (spatially
very compact) at rest-frame ∼916–1017 Å (Lyman–Werner
radiation). X-SHOOTER data also provides a NIR spectrum,
allowing to investigate the significant excess seen in the J-band
photometry from UltraVISTA (McCracken et al. 2012; Bowler
et al. 2014), indicative of emission line(s). No continuum is
detected in the NIR spectrum. However, and despite the
relatively low integration time, a strong He II 1640 Å line was
found (∼6σ), capable of explaining the excess in the J band
(see Figure 5). He II can only be produced if the intrinsic
extreme UV spectrum is very hard, i.e., emits a large number of
ionizing photons with energies above 54.4 eV, capable of

Figure 6. Left: CR7 with the NB921 filter/Suprime-cam imaging on Subaru, showing the extent of the Lyα but note that NB921 detects Lyα at only 50%
transmission. Middle: HST imaging in YJ, revealing that CR7 clearly splits into three different components which we name A, B, and C. Right: HST imaging in H,
again revealing the three different components in CR7. We find that component A fully dominates the rest-frame UV and is coincident with the peak of Lyα emission
and the location at which we detect strong He II 1640 Å emission. Clumps B and C are much redder, and fully consistent with significantly contributing to the IRAC
photometry. Note that because of the colors of the B and C clumps, they completely dominate the mass of the system, and thus the actual mass center of the system
would be located between C and B, and significantly away from A. This is fully consistent with a scenario in with PopIII star formation is propagated in a wave from
the central position toward the outskirts.

Figure 7. False color composite of CR7 by using NB921/Suprime-cam
imaging (Lyα) and two HST/WFC3 filters: F110W (YJ) and F160W (H). This
shows that while component A is the one that dominates the Lyα emission and
the rest-frame UV light, the (likely) scattered Lyα emission seems to extend all
the way to B and part of C, likely indicating a significant amount of gas in the
system. Note that the reddest (in rest-frame UV) clump is C, with B having a
more intermediate color and with A being very blue in the rest-frame UV. Figure 8. HST imaging in YJ and H allows us to physically separate CR7 into

two very different stellar populations and shows remarkable agreement with
our best-fit composite SED derived in Section 5.3. While clump A (see, e.g.,
Figure 7) is very blue and dominates the rest-frame UV flux, B+C are red and
likely dominate the rest-frame optical and the mass. Note that the we simply
show the HST data together with our best fit composite model derived in
Section 5.3 which was solely based on the full photometry and did not make
use of any resolved HST data.
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Fig. 6. Re-analyzed VLT/X-SHOOTER spectra of CR7. The left and right panels denote the VIS and NIR arms of the X-SHOOTER spectra. The blue lines

indicate the X-SHOOTER spectra in Sobral et al. (2015). The red, magenta, and orange lines depict spectra obtained from (1) reducing the raw data with the

X-SHOOTER reduction pipeline ESO REFLEX (Pipeline), (2) stacking of each 2D 1-exposure spectrum reduced by ESO (ESO 2D), and (3) stacking of each 1D

1-exposure spectrum reduced by ESO (ESO 1D), respectively. These lines have been smoothed with a kernel of ≃ 0.4 Å width which is similar to that of Sobral

et al. (2015). The gray lines present the un-smoothed spectrum obtained from our data reduction with ESO REFLEX. The thin blue and red lines indicate sky

OH lines in Sobral et al. (2015) and our re-analyzed data, respectively. The top-left panels show the 2D spectrum of the X-SHOOTER VIS arm. The top-right

panels indicate (a) sky OH line, (b) un-smoothed and (c) smoothed 2D spectra, all of which are obtained from our data reduction with ESO REFLEX. The feature

at λrest = 1643 Å appears to be made by sky subtraction residuals. The blue ticks indicate the position of He II whose detection is claimed by Sobral et al.

(2015). See Section 4.5 for more details.

check the detectability of N V emission line which is a coarse in-

dicator of AGN presence. The wavelengths of N V are covered

by the FOCAS, LDSS3, and IMACS optical spectra for both of

the z ≃ 6.6 and z ≃ 5.7 LAE samples. In order to estimate the

flux limits, we sample the 1D spectra in ≃ 10 Å bins (compa-

rable to the Lyα line FWHM) around the expected wavelengths

of N V. We then obtain the flux limit by using the flux distri-

bution over a ±50 Å range of the expected wavelengths of N

V. We find that there are no N V emission lines for all the 21

bright LAEs. The 2σ flux limits for the N V emission lines are

listed in Table 6. The line flux ratio of N V to Lyα is typically

fNV/fLyα
<
∼ 10%.

Next, we search for the UV-nebular emission lines of C IV,

He II, and O III] for the seven bright LAEs whose NIR spectra

are obtained (Section 3.2). Figure 5 presents the NIR spectra

for the seven LAEs. Even in the deep NIR spectra with a 3σ

line flux sensitivity limit of ≃ 2×10−18 erg s−1 cm−2, we find

no significant emission features at the expected wavelengths of

redshifted He II, C IV, and O III] lines, except for a tentative C

IV detection from a z ≃ 5.7 LAE, HSC J233408+004403 (see

Section 5.4). The flux limits for the C IV, He II, and O III]

emission lines are estimated in the same manner as that for N

V. The 2σ flux limits for individual UV-nebular emission lines

are listed in Table 6.

4.5 Re-analysis of CR7 Spectra

We investigate the VLT/X-SHOOTER spectrum of CR7 whose

6σ detection of He II is claimed by Sobral et al. (2015). Two

individuals of the authors in this paper and the ESO-archive ser-

vice re-analyze the VLT/X-SHOOTER data that are used in the

study of Sobral et al. (2015). We apply three methods to our

re-analysis: (1) reducing the raw data with the X-SHOOTER

reduction pipeline ESO REFLEX (Pipeline), (2) stacking of each

2D 1-exposure spectrum reduced by ESO (ESO 2D), and (3)

stacking of each 1D 1-exposure spectrum reduced by ESO (ESO

1D). We smooth our reduced X-SHOOTER spectra with a ker-

nel of ≃ 0.4 Å width which corresponds to that of Sobral et al.

(2015).

Figure 6 presents our reduced X-SHOOTER data of the opti-

Sobral	  et	  al.	  (2015)	  
HeII輝線を放射する明るいLAEの発見	  
POPIII星を大量に含む銀河？	

初代星銀河は存在しないのか？	

しかし、再解析・追観測はどれも否定的	

Shibuya	  et	  al.	  (2017)	  
	  
(see	  also	  Bowler	  et	  al.	  )	



初代星銀河は形成可能か？	

e.g.,	  Visbal	  et	  al.	  (2016,	  2017),	  Yajima&Khochfar	  (2017)	  	

THII	  >	  Tvir	

電離	

THII	  <	  Tvir	

コラプス、	  
POPIII星形成	

光電離によりミニハロー時代
の星形成を停める。	  
その後、初代銀河クラスに
なった後コラプスさせてスター
バーストを起こせばよい	
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high EW & 200Å, and no detection of metal lines (see how-
ever, Bowler et al. 2016 for metal line detections in CR7). In,
addition, it is close to a system of star forming galaxies at a
projected distance of ⇠ 5 kpc. Based on SED modelling the
authors suggest that CR7 could host a POPIII star cluster
with M⇤ ⇠ 107 M�.

In order to form such a POPIII star cluster, a massive
primordial cloud has to collapse. Visbal et al. (2016) sug-
gest that the collapse of CR7 could be suppressed by photo-
ionization from the neighboring galaxies, and that only once
the halo grows massive enough the gas can collapse. Pallot-
tini et al. (2015) show that indeed cosmological hydrody-
namics simulation, produce conditions as required for the
formation of POPIII clusters. However, the mass they find
is smaller than required by the observations of Sobral et al.
(2015). One main obstacle in forming a massive POPIII star
clusters is that over the life-time of massive stars, a few
Myrs, the gas needs to collapse and the formation of the
POPIII star cluster needs to take place. If the gas has su�-
cient specific angular momentum it will settle in a large scale
disc and collapse will take place on a viscous time scale (e.g.,
Ceverino et al. 2010). An e�cient mechanism to fuel a cen-
tral star burst on shorter time scales and to destroy such disc
is via mergers (D’Onghia et al. 2006). However, time scales
for mergers and the dropping merger rate at high redshifts
limit the e�ciency of this process (e.g., Khochfar & Burkert
2001). Alternatively, gas can loose its angular momentum
via Ly↵-photon-drag already before settling in a disc while
orbiting through a high intensity, homogenous background
of Ly↵ photons (Yajima & Khochfar 2014).

While Ly↵�photon drag is able to remove angular mo-
mentum, Smith et al. (2016a) show that intense Ly↵ flux
can cause galactic outflow as well. Their 1-D Ly↵ radiative-
hydrodynamics simulations show that such outflows can pro-
duce asymmetric Ly↵ line profiles with red wing which was
consistent with the observations.

In this paper, we will investigate the formation of mas-
sive POPIII-dominated galaxies by focusing on the e↵ect
that Ly↵ photons have on angular momentum transport and
outflows We will present the range of halo masses and re-
quired Ly↵ luminosities to form massive POPIII galaxies.

2 MODEL

2.1 Critical distance for ionization from a
star-forming galaxy

The enrichment process of the ISM by POPIII stars is very
quick and of the order 107 yr (e.g., Maio et al. 2011). This
in e↵ect allows for only one generation of POPIII stars be-
ing born in a halo (e.g., Johnson et al. 2013). To form a
massive POPIII star cluster thus requires a massive primor-
dial gas cloud that can fragment and form POPIII stars in
one go. One way to achieve this is by photo-ionization heat-
ing (Johnson et al. 2014; Visbal et al. 2016). The mean UV
background (UVB) is not su�ciently high enough to ion-
ize haloes at z > 7 (Faucher-Giguère et al. 2009). However,
the UV flux from neighbouring star-forming galaxies can
provide enough UV photons. The condition to ionize haloes

just after virialization is,

f ion
esc Ṅion

⇡R2
vir

4⇡D2
>

4⇡R3
vir↵Bn

2
H

3
+ ⇡R2

virD↵Bn
2
H,IGM, (1)

Ṅion is the ionizing photon emissivity of the star-forming
galaxy, D is the distance from the star-forming galaxy to
the target halo, Rvir is a virial radius of the target halo, ↵B

is the case B recombination coe�cient, nH and nH,IGM are
the mean hydrogen number density in the halo and the inter-
galactic medium, respectively. nH and nH,IGM just depend
on redshift, nH = �c ⇥ nz=0

H,IGM(1 + z)3, where �c ⇠ 200 is
the mean over density and nz=0

H,IGM ⇠ 2.0⇥ 10�7 cm�3. The
second term on the right-hand side of the above equation is
the absorption of ionizing photons by the intervening IGM,
and much smaller than the first term. Using above equa-
tion we estimate the critical distance for target haloes to be
ionized by a neighbouring galaxy as

Dcrit < 73 kpc

✓
f ion
esc

0.1

◆✓
SFR

10 M� yr�1

◆

⇥
✓

Mh

109 M�

◆� 1
3
✓
1 + z
8

◆�5
(2)

f ion
esc is the escape fraction of ionizing photons from

the neighbouring galaxy (Yajima et al. 2009, 2011, 2014;
Paardekooper et al. 2015; Wise et al. 2014), Mh is the
halo mass of the target. Here we use the relation Ṅion =

0.93 ⇥ 1053 s�1
⇣

SFR
M� yr�1

⌘
for the Salpeter IMF (Madau

et al. 1998). For a Chabrier IMF, the number of ionizing
photons will be a factor two higher. Observed LBGs at z & 6
have high SFRs & 10 M� yr�1 (e.g., Bouwens et al. 2014).
Haloes residing near these bright galaxies within D . 70 kpc
will be ionized.

2.2 Angular momentum transport

The formation of a massive POP-III cluster requires the e�-
cient transport of gas towards the haloes potential minimum
on a time scale short enough ⇠ 4 Myr to avoid the onset of
super-novae feedback from POP-III stars. One obstacle is
the presence of angular momentum which will lead to the
formation of a large scale disc, if conserved. In the absences
of molecular hydrogen, gas in haloes with virial tempera-
ture higher than ⇠ 104 K can start to collapse. Then, as
the gas density increases, self-shielding against the ionizing
radiation from neighbouring star forming galaxies will kick
in, and the gas becomes fully/partially neutral. If the virial
temperature is . 105 K, the thermal energy is released by
Ly↵ radiation cooling. Ly↵ photons escape from the halo
after they are trapped for a while due to scattering. As a
result, the photon number density becomes high. Yajima &
Khochfar (2014) showed the angular momentum is e�ciently
transported due to Ly↵ radiation drag. After virialization,
the thermal energy is released over a dynamical time of the
halo as follows.

U ⇠ GM2
hfgas

Rvir
, LLy↵ ⇠ UfU,Ly↵

tdyn(⇢)
, (3)

where Mh is halo mass, fgas is gas mass fraction to dark
matter, fU,Ly↵ is the fraction of thermal energy released in
form of Ly↵ radiation, tdyn(⇢) is the dynamical of the halo
at its mean density, ⇢ = �d⇥⇢0(z), ⇢0(z) is the mean cosmic

c� 2008 RAS, MNRAS 000, 1–5

(鄭さんトーク)	
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Figure 1. Top panel: Halo mass range where angular momentum
transport e�ciently occurs due to Ly↵ radiation drag. Dash lines
represent virial temperatures of 1⇥104, 3⇥104 K and 8⇥104 K,
respectively. Middle panel: Ly↵ luminosity expected in the halo
mass and redshift. Dash line shows the Ly↵ luminosity for halo
with the virial temperatures of 3⇥ 104 K.

angular momentum is not transported e�ciently, i.e., tang �
tdyn, a rotationally supported disk forms with Rdisk ⇠ �Rvir

(e.g., Mo et al. 1998), where � is the spin parameter. In
the latter case star formation will proceed quietly follow-
ing a Kennicutt-Schmidt law, resulting in ✏SF . 1, and it
is unlikely that this will produce an observable POPIII-
dominated galaxies.

The life time of POPIII stars is ⇠ 4 Myr (Schaerer
2002). After the initial starburst, POPIII supernovae pro-
duce metals and evacuate most gas from a halo. Therefore,
the maximum stellar mass is estimated by multiplying the
life time to the star formation rate of Equation (11) for fixed
fgas,

M⇤ = 2.6⇥ 106 M� fang

✓
Mh

109 M�

◆✓
fgas
0.16

◆✓
1 + z
8

◆ 3
2

(12)
Most of the Ly↵ emission comes from recombinations in gas
previously ionized by UV radiation from POPIII stars. Thus
the Ly↵ luminosity is proportional to the ionizing photon
emissivity of stars Ṅion, and we estimate it as:

LLy↵ = 0.68(1� f ion
esc )✏Ly↵Ṅion

⇠ 0.7⇥ 1044 erg s�1

✓
M⇤

107 M�

◆
(13)

where f ion
esc is escape fraction of ionizing photons. f ion

esc is typ-
ically . 0.1 (e.g., Yajima et al. 2011). The e↵ective temper-

ature of POPIII stars is ⇠ 105 K, and the mass dependence
is very weak (Bromm et al. 2001). Hence, the total ionizing
photon emissivity is proportional to the total stellar mass
independent to the detailed initial mass function (e.g., Susa
et al. 2014). We estimate the total ionizing photon emissivity
by using that of a 40 M� POP III star calculated in Schaerer

(2002), resulting in the relation, Nion = 6.2 ⇥ 1047
⇣

M⇤
M�

⌘
.

Hence, combining Equation (12) and (13) shows the relation
between Ly↵ luminosity and halo mass at a specific redshift,

LLy↵ = 2.0⇥1043 erg s�1 fang

✓
Mh

109 M�

◆✓
fgas
0.16

◆✓
1 + z
8

◆ 3
2

(14)
The range of Ly↵ luminosity is shown in the lower panel
of Figure 1. Our model indicates that POPIII-dominated
galaxies have Ly↵ luminosity of ⇠ 1⇥1042�3⇥1043 erg s�1.
The Ly↵ luminosity of CR7 is much higher than the upper
limit predicted by of our model. Therefore, we argue that
CR7 is not a POPIII star cluster. This is in agreement with
recent observational data from Spitzer/IRAC that indicates
[OIII] emission from CR7 (Bowler et al. 2016), indicating an
enriched population of stars.

The predicted Ly↵ luminosity range is detectable even
with current telescopes, suggesting that LAEs, which have
high EW and are in the luminosity range near star-forming
galaxies or AGNs, can be POPIII-dominated galaxies. On
the other hand, the Heii 1640 Å line flux can be lower than
the Ly↵ line by ⇠ 1 � 3 orders depending on the IMF of
POPIII stars (Schaerer 2002) and hence its flux is di�cult to
detected with current telescopes. Spectroscopy with JWST
will be able to detect the Heii lines within a reasonable inte-
gration time as a signature of POPIII-dominated galaxies.
The threshold stellar mass with integration times of . 10
hours is Mstar ⇠ 106 M� assuming a top-heavy POPIII IMF
with & 100 M�.

2.4 Outflow of gas due to Ly↵ radiation pressure

As POPIII stars enter the ZAMS (zero age main sequence),
they start to exert feedback on the interstellar medium
(ISM) and may cause galactic outflows. Due to the trap-
ping of Ly↵ radiation in a halo, Ly↵ radiation pressure can
be higher than the thermal pressure of ionized gas or radia-
tion pressure by Hi photo-absorption or Thompson scatter-
ing (Yajima & Li 2014; Smith et al. 2016a). The momentum
equation is then approximately given by,

Mhfgas
dVout

dt
=

15ftrap,15LLy↵

c
� GM2

hfgas
R2

vir

. (15)

If we substitute the expression for the Ly↵ luminos-
ity from Equation (13) into the first term on the right
hand side, we find that the radiation pressure is higher
than the gravitational force for haloes with Mh < 3.5 ⇥
1013 M� f3

trap,15

�
1+z
8

��3/2
, i.e., the radiation pressure can

drive an outflow. For the halo mass range with POPIII star-
bursts (Mh ⇠ 108�109 M�), the gravitational force is negli-
gible. We estimate the outflow velocity considering only the
Ly↵ radiation pressure by integrating the above equation
over 4 Myr as

Vout,max = 39.5 km s�1 ftrap,15

✓
1 + z
8

◆ 3
2

. (16)

c� 2008 RAS, MNRAS 000, 1–5
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ただし、HeIIは暗い、、	

Smidt	  et	  al.	  (2016)	
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熱エネルギーを注入	 運動量を注入	

(coolingを一定時間止める)	  
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熱圧駆動	  vs.	  輻射冷却	

Figure 2. Column density of gas in Halo-11, Halo-11-lowSF, and Halo-11-noSN in units of [M� pc�2] at z = 7. See Table 1 for the three
variations of Halo-11. The top panels show the filamentary network of gas distribution on a scale of physical 100 kpc, and the dashed
circles show the virial radius ⇡ 18 pc. The middle panels show the zoom-in view of the most massive galaxy in the halo with a scale of
physical 7 kpc. The lower panels represent the stellar surface density with the same logarithmic scale as the middle panels. The galaxies
have quite di↵erent morphologies depending on the treatment of SF and stellar feedback.

cooling loss:

nH ⇠ 100 cm�3

✓
T

107.5 K

◆✓
mg

104 M�

◆�1/2

. (3)

In this work, we treat all star and gas particles as
part of one galaxy system inside each halo that is iden-
tified by a FOF group finder, and do not distinguish
sub-structures in each halo. Our current focus is the im-
pact of stellar feedback on physical properties of galaxies,
which sensitively depends on the SFR and gravitational
potential of the dark matter halo. Hence, we investigate
the formation and evolution of the first galaxies under
the influence of star formation and its feedback together
with the dark matter halo mass assembly history using
cosmological zoom-in hydrodynamic simulations. We

adopt following cosmological parameters that are consis-
tent with current cosmic microwave background obser-
vations: ⌦M = 0.3, ⌦b = 0.045, ⌦⇤ = 0.7, ns = 0.965,
and h = 0.7 (Komatsu et al. 2011; Planck Collaboration
et al. 2016).

3. RESULTS

3.1. Star Formation History

The star formation history contains useful information
on the details of galaxy formation and evolutionary pro-
cesses. Recent observed galaxies at z > 6 have been
detected in the rest-frame UV wavelengths, and their
observed fluxes are directly linked to the SFR if dust ex-
tinction e↵ects are negligible (see however, Yajima et al.
2015b; Cullen et al. 2017).

4

１：Sound	  crossing	  Ome	  
	  
	  
	  
２：Cooling	  Ome	  (free-‐free)	
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where the last equality holds exactly if all particles (gas and stars)
have the same mass, as is usually approximately true for SPH sim-
ulations.

For a Chabrier IMF, assuming Nngb = 48 and f th = 1, we obtain
!ϵ ≥ 1.82 × 1014 erg g−1, which corresponds to a temperature in-
crease !T ≥ 8.8 × 105 K. For our fiducial choice for the temperature
increase of 107.5 K we are well above this lower limit. For the case
of grid simulations it is in principle possible that

!Nngb
i=1 mi ≪ m∗

and hence that p > 1. In that case it is necessary to increase !ϵ

above the chosen value in order to limit the probability to unity.
The sum of the probability over all neighbours gives the expec-

tation value for the number of heated neighbours:

⟨Nheat⟩ = fth
ϵSN II

!ϵ

m∗Nngb
!Nngb

i=1 mi

≃ fthϵSN II

!ϵ
, (7)

where the last equality holds exactly if all particles have the same
mass. The average number of heated neighbours is inversely pro-
portional to !ϵ and proportional to f th. Expressed in terms of the
temperature increase !T , the mean number of heated neighbours is

⟨Nheat⟩ = 1.34 E51

"
nSN II

1.736 × 10−2 M−1
⊙

# $ µ

0.6

%

×fth

&
!T

107.5 K

'−1

. (8)

Ideally, the energy should on average be shared with at least one
gas neighbour to make the feedback local to the star particle and
to ensure that the metals released by massive stars can be driven
outwards. By injecting all the SN II energy from an SSP at once,
we can satisfy this constraint for temperature increases that are
sufficiently large to make radiative cooling (initially) inefficient.

4 E N S U R I N G E F F E C T I V E F E E D BAC K :
R E S O L U T I O N R E QU I R E M E N T S

The thermal feedback can only be effective if the heated gas re-
sponds hydrodynamically to the temperature increase before the
thermal energy is radiated away. This implies that the sound-
crossing time-scale across a heated resolution element, ts, must be
short compared with the radiative cooling time-scale in the heated
gas, tc. If this condition is satisfied, then the gas will start to expand
adiabatically, doing work on its surroundings and converting ther-
mal energy into kinetic energy. The ratio ts/tc can be decreased either
by increasing tc, which can usually be accomplished by increasing
the temperature, or by decreasing ts, which means increasing the
temperature and/or the spatial resolution.

The sound crossing time across a resolution element of length h
is

ts = h

cs
=

&
µmH

γ kB

'1/2
h

T 1/2

= 1.15 × 105 yr
$ µ

0.6

%1/2
&

T

107.5 K

'−1/2 &
h

100 pc

'
, (9)

where cs is the local sound speed. This time-scale is related to the
classical definition of the Courant time-step, !t = Ch/cs = Cts,
where C (<1) is the Courant factor.

We define the radiative cooling time as

tc = u

$
= ρϵ

$
, (10)

where u and $ are the internal energy and radiative cooling rate
per unit volume, respectively, and ρ is the gas density. The internal

energy per unit volume can be written as

u = 1
γ − 1

kBT

µmH
ρ = 1

γ − 1
kBT

µXH
nH, (11)

where nH and XH are the hydrogen number density and mass frac-
tion, respectively. Before showing results for general cooling func-
tions, we will consider the case of pure bremsstrahlung, which
dominates the cooling rate for T ! 107 K and for which the cooling
rate is given by (Osterbrock 1989):

$ ≃ 7.99 × 10−24 erg cm−3 s−1
$ nH

1 cm−3

%2
&

T

107.5 K

'1/2

×gfηe(ηH II + ηHe II + ηHe III)

≃ 1.12 × 10−23 erg cm−3 s−1
$ nH

1 cm−3

%2
&

T

107.5 K

'1/2

× (1 + XH)(1 + 3XH)
8X2

H
, (12)

where ηi = ni/nH is the number density of species i relative to
hydrogen and we assumed the plasma to be fully ionized in the
last step. We assumed for simplicity that the Gaunt factor gf ≃
1.4 [consistent with the approximated equation given by Theuns
et al. (1998) for our fiducial temperature increase] and a primordial
composition. Hence, we obtain a radiative cooling time of

tc ≃ 3.26 × 107 yr
$ nH

1 cm−3

%−1
&

T

107.5 K

'1/2

×
$ µ

0.6

%1/2
&

f (XH)
0.13

'
, (13)

where

f (XH) = XH(1 + XH)−1(1 + 3XH)−1 (14)

and f (XH = 0.752) ≃ 0.13.
Thus, we can write for the ratio between the two time-scales

tc
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$ nH

1 cm−3
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' &
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'−1

×
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'
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For the case of SPH simulations, the spatial resolution is given
by the gas particle’s smoothing kernel which can be approximated
as

h ≃
"

3
4π

!Nngb
i=1 mi

ρ

#1/3

≃
&

3
4π

Nngb ⟨m⟩
mHnH

XH

'1/3

, (16)

where ⟨m⟩ is the average mass of the gas particles. Substituting
the above approximation into equation (15) we obtain the ratio of
time-scales

tc

ts
≃ 98

$ nH

1 cm−3

%−2/3
&

T

107.5 K

' & ⟨m⟩
7 × 104 M⊙
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×
&

Nngb
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%−3/2
&

g(XH)
0.14

'
, (17)

where g(XH) = X
−1/3
H f (XH) and we used the particle mass appro-

priate for our simulations of the 1012 h−1 M⊙ halo.
We expect cooling losses to be important for tc " ts. The exact

value of the ratio f t ≡ tc/ts required to ensure efficient feedback can
only be determined using simulations, but we expect it to be similar
to 10 and will therefore use this as our fiducial value. This agrees
well with the recent, independent work of Creasey et al. (2011),
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where the last equality holds exactly if all particles (gas and stars)
have the same mass, as is usually approximately true for SPH sim-
ulations.

For a Chabrier IMF, assuming Nngb = 48 and f th = 1, we obtain
!ϵ ≥ 1.82 × 1014 erg g−1, which corresponds to a temperature in-
crease !T ≥ 8.8 × 105 K. For our fiducial choice for the temperature
increase of 107.5 K we are well above this lower limit. For the case
of grid simulations it is in principle possible that

!Nngb
i=1 mi ≪ m∗

and hence that p > 1. In that case it is necessary to increase !ϵ

above the chosen value in order to limit the probability to unity.
The sum of the probability over all neighbours gives the expec-

tation value for the number of heated neighbours:

⟨Nheat⟩ = fth
ϵSN II

!ϵ

m∗Nngb
!Nngb

i=1 mi

≃ fthϵSN II

!ϵ
, (7)

where the last equality holds exactly if all particles have the same
mass. The average number of heated neighbours is inversely pro-
portional to !ϵ and proportional to f th. Expressed in terms of the
temperature increase !T , the mean number of heated neighbours is

⟨Nheat⟩ = 1.34 E51

"
nSN II

1.736 × 10−2 M−1
⊙

# $ µ

0.6

%

×fth

&
!T

107.5 K

'−1

. (8)

Ideally, the energy should on average be shared with at least one
gas neighbour to make the feedback local to the star particle and
to ensure that the metals released by massive stars can be driven
outwards. By injecting all the SN II energy from an SSP at once,
we can satisfy this constraint for temperature increases that are
sufficiently large to make radiative cooling (initially) inefficient.

4 E N S U R I N G E F F E C T I V E F E E D BAC K :
R E S O L U T I O N R E QU I R E M E N T S

The thermal feedback can only be effective if the heated gas re-
sponds hydrodynamically to the temperature increase before the
thermal energy is radiated away. This implies that the sound-
crossing time-scale across a heated resolution element, ts, must be
short compared with the radiative cooling time-scale in the heated
gas, tc. If this condition is satisfied, then the gas will start to expand
adiabatically, doing work on its surroundings and converting ther-
mal energy into kinetic energy. The ratio ts/tc can be decreased either
by increasing tc, which can usually be accomplished by increasing
the temperature, or by decreasing ts, which means increasing the
temperature and/or the spatial resolution.

The sound crossing time across a resolution element of length h
is
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'
, (9)

where cs is the local sound speed. This time-scale is related to the
classical definition of the Courant time-step, !t = Ch/cs = Cts,
where C (<1) is the Courant factor.

We define the radiative cooling time as

tc = u

$
= ρϵ

$
, (10)

where u and $ are the internal energy and radiative cooling rate
per unit volume, respectively, and ρ is the gas density. The internal

energy per unit volume can be written as

u = 1
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kBT

µmH
ρ = 1

γ − 1
kBT

µXH
nH, (11)

where nH and XH are the hydrogen number density and mass frac-
tion, respectively. Before showing results for general cooling func-
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where ηi = ni/nH is the number density of species i relative to
hydrogen and we assumed the plasma to be fully ionized in the
last step. We assumed for simplicity that the Gaunt factor gf ≃
1.4 [consistent with the approximated equation given by Theuns
et al. (1998) for our fiducial temperature increase] and a primordial
composition. Hence, we obtain a radiative cooling time of
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where ⟨m⟩ is the average mass of the gas particles. Substituting
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where g(XH) = X
−1/3
H f (XH) and we used the particle mass appro-

priate for our simulations of the 1012 h−1 M⊙ halo.
We expect cooling losses to be important for tc " ts. The exact

value of the ratio f t ≡ tc/ts required to ensure efficient feedback can
only be determined using simulations, but we expect it to be similar
to 10 and will therefore use this as our fiducial value. This agrees
well with the recent, independent work of Creasey et al. (2011),
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Figure 5. The ratio of the shell velocity vsh to the local escape velocity
vesc ≡ (2 GM<r/r)1/2 as a function of time for different halo masses Mvir
denoted by colour and star formation efficiencies f⋆ denoted by line style.
The galaxy mass significantly impacts whether the shell is able to escape the
gravitational potential well into the IGM. The light grey region is a schematic
representation of times when the shell has crossed the virial radius. All haloes
with Mvir !108 M⊙ eventually reach the escape condition rsh > rvir, which
we expect to occur after at least ≈7, 13, and 30 Myr for the 106, 107, and
108 M⊙ haloes, respectively.

of the shell velocity to the escape velocity at the virial radius:

vsh

vesc
≈ Mcs

vesc
= M

!
kBT /mH

GMvir/rvir

"1/2

≈ 1.2 T
1/2
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!
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" !
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"−1/3 !
1 + z

11

"−1/2

. (46)

This quantity reflects the likelihood that galaxies retain their gas
under strong radiative feedback. Qualitatively, minihaloes are more
susceptible to shell ejection than the more massive galaxies. We note
that this simple argument is in rough agreement with the observed
galaxy stellar mass function, which has a much shallower faint end
slope than expected from dark matter-only simulations (Somerville
& Davé 2015).

In Fig. 6, we consider the role of Mvir and f⋆ on the relative im-
portance of Lyα radiation pressure on the shell velocity compared
to simulations without Lyα feedback. We find that for a fixed star
formation efficiency, including the Lyα force has a greater dynam-
ical impact in larger mass haloes. We also find that for a fixed halo
mass, a higher star formation efficiency leads to a greater difference
for simulations incorporating Lyα feedback. Both of these effects
are likely due to a higher energy density of trapped Lyα photons,
which leads to more scatterings because of the larger optical depth
for a fixed f⋆ or the increased Lyα emission rate for a fixed Mvir. We
find that Lyα radiation pressure can be dynamically important for a
number of realistic protogalaxy environments.

5.3 Predictions for Lyα observations

In Fig. 7, we explore the impact of Mvir and f⋆ on the velocity offset
with respect to the central point source for the red peak of the intrin-
sic line-of-sight Lyα flux. The location of the offset is fairly constant
throughout the simulations, although there is some decrease in time.
We find that for a fixed star formation efficiency, a more massive
halo has a greater velocity offset. Likewise, for a fixed halo mass, a
lower star formation efficiency yields a greater offset. Both of these

Figure 6. Top panel: the time evolution of the ratio of the shell velocity
for simulations with and without Lyα radiation pressure for different halo
masses Mvir = 106 − 10 M⊙ at a fixed star formation efficiency of f⋆ = 10−3.
Bottom panel: the shell velocity ratio for different values of f⋆ = 10−1–( − 4)

at a fixed halo mass of Mvir = 108 M⊙.

Figure 7. Top panel: the time evolution of the velocity offset of the red peak
of the Lyα spectrum for different values of halo mass Mvir = 106 − 10 M⊙
at a fixed star formation efficiency of f⋆ = 10−3. Bottom panel: the velocity
offset for different values of f⋆ = 10−1–( − 4) at a fixed halo mass of Mvir =
108 M⊙. The location of the emerging red peak is fairly constant throughout
the simulations with a slight decrease in time.

effects are likely due to the larger optical depth for individual pho-
tons to escape the galaxy. To consolidate these trends, we plot the
time-averaged velocity offset as a function of halo mass in Fig. 8.
Although there is some degeneracy at different times between these

MNRAS 464, 2963–2978 (2017)
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Figure 7. Cold streams and shock-heated medium as a function of halo mass

and redshift. The nearly horizontal curve is the typical threshold mass for a

stable shock in the spherical infall from Fig. 2, below which the flows are

predominantly cold and above which a shock-heated medium is present. The

inclined solid curve is the upper limit for cold streams from equation (40)

with f = 3; this upper limit is valid at redshifts higher than zcrit ∼ 1–2,

defined by M shock > fM∗. The hot medium in M > M shock haloes at z >zcrit

hosts cold streams which allow disc growth and star formation, while haloes

of a similar mass at z < zcrit are all hot, shutting off gas supply and star

formation.

stability (equation 17) scales roughly like

tcool

tcomp

∝
ρ−1T "−1

RV −1
, (37)

with T , R and V the halo virial quantities and ρ the gas density. At a

given epoch, the typical halo ρ and R/V are roughly independent of

halo mass (based on the definition of the virial radius), so with the

virial relation T ∝ M2/3, and approximating the cooling function

with " ∝ T −1 (equation 31), the critical ratio for spherical infall in

virialized haloes is
!

tcool

tcomp

"

halo

=

!

M

Mshock

"4/3

. (38)

The analogous critical ratio in the dense streams inside a halo of

mass M, assuming that RV−1 in the streams is the same as in the halo,

is inversely proportional to the density enhancement ρ stream/ρ halo

(equation 37). Our estimates from N-body simulations indicate that

ρ stream/ρ vir ∼ (fM∗/M)−2/3 with f ∼3 (Seleson & Dekel in prepa-

ration). With equation (37) one obtains
!

tcool

tcomp

"

stream

=

!

f M∗

M

"2/3 !

M

Mshock

"4/3

. (39)

For this ratio to equal unity in the streams, the critical halo mass is

Mstream ∼
Mshock

f M∗
Mshock, f M∗ < Mshock. (40)

This maximum mass for cold streams is shown in Fig. 7. At low z,

where fM∗ > M shock, cold streams exist only for M < M shock. At

high z, where fM∗ < M shock, cold streams appear even in M >M shock

haloes where shocks heat part of the gas, as long as M < M stream.

The critical redshift zcrit separating these two regimes is defined by

f M∗(zcrit) = Mshock. (41)

This scenario is consistent with the cosmological hydrodynam-

ical simulations. The shock-heating mass explains the transition

from cold to hot at a given mass roughly independent of z, and the

presence of cold streams above M shock at z > z crit explains the de-

pendence of the cold mode on redshift and environment. Besides

its dependence on halo mass, the environment effect (e.g. Kereš

et al. 2005) may also be due to the survivability of cold streams in

different environments. While streams could survive unperturbed

in relatively isolated galaxies, they are likely to be harassed by the

active intergalactic environment in dense groups. The environment

dependence may therefore also reflect variations in the HOD at a

given halo mass. The properties of cold flows in haloes as a function

of halo mass, redshift and grouping deserve a detailed analysis using

high-resolution cosmological hydro simulations.

5 F E E D BAC K A N D L O N G - T E R M S H U T D OW N

Once the halo gas is shock heated in massive haloes, what is the

process that keeps it hot and maintains the shutdown required by

the bimodality? Is it also responsible for the rise of M/L with mass

above M s,crit (and the absence of cooling flows in clusters)? Several

feedback mechanisms can heat the gas. We suggest that they have

a minimum effectiveness in haloes ∼M shock. This can be largely

induced by the shock heating itself, and in turn it can amplify the

bimodality features. Some of the feedback mechanisms are limited

to smaller haloes, while others, such as AGN feedback, are likely to

be important in more massive haloes. The latter can be triggered by

the shock heating and then help maintaining the gas hot for a long

time.

5.1 Below the shock-heating scale

(i) Supernova feedback. Based on the physics of supernova

(SN) remnants, the energy fed to the gas in haloes of T ∼ 105 K is

proportional to the stellar mass despite significant radiative losses

(Dekel & Silk 1986). When compared to the energy required for

significantly heating the gas, one obtains a maximum halo virial

velocity for SN feedback, V SN ≃ 120 km s−1. This is only weakly

dependent on the gas fraction, density or metallicity (Dekel & Silk

1986, equation 49), and is therefore insensitive to redshift. Only

in potential wells shallower than V SN can the SN feedback signifi-

cantly suppress further star formation and regulate the process. Fig. 3

shows V SN and Fig. 2 shows the corresponding mass versus redshift.

With an effective f b ∼ 0.05, the corresponding stellar mass at z =
0 is ∼3.5 × 1010 M⊙, practically coinciding with the bimodality

scale. The similarity of the SN and shock-heating scales is partly a

coincidence, because the nuclear origin of the initial SN energy has

little to do with galactic cooling or dynamics. However, there is an

obvious similarity in the cooling processes and in the asymptotic

behaviour of an SN remnant, which is not a strong function of its

initial energy. The distinct correlations between the properties of

galaxies below M s,crit indeed point at SN feedback as its primary

driver. These correlations define a ‘fundamental line’, V ∝ M0.2
s ,

Z ∝ M0.4
s , µ ∝ M0.6

s , where µ is surface brightness (Kauffmann

et al. 2003b; Tremonti et al. 2004). SN feedback can explain the

origin of the fundamental line (Dekel & Woo 2003) based on (1) the

above energy criterion, which implies M s/M ∝ V 2; (2) the virial

relations (equation A6); (3) the instantaneous recycling approxima-

tion, Z ∝ M s/M gas and (4) angular momentum conservation, R∗ ∝
λR, with λ a constant spin parameter (Fall & Efstathiou 1980).

(ii) UV-on-dust feedback. Also working below M shock are

momentum-driven winds due to radiation pressure on dust grains,

C⃝ 2006 The Authors. Journal compilation C⃝ 2006 RAS, MNRAS 368, 2–20

uniformly in r, using the fact that the velocity along the streams is
roughly constant (Supplementary Information, sections 5 and 6).
This is convolved with the halo mass function23, n(Mv), to give

n ( _MM)~

ð?

0

P( _MM jMv)n(Mv) dMv

The desired cumulative abundance, n(. _MM), obtained by integration

over the inflow rates from _MM to infinity, is shown at z 5 2.2 in Fig. 4.

Assuming that the SFR equals _MM , the curve referring to _MM lies safely
above the observed values, marked by the symbols, indicating that the

gas input rate is sufficient to explain the SFR. However, _MM and the
SFR are allowed to differ only by a factor of ,2, confirming our
suspicion that the SFR must closely follow the gas input rate. The
simulated SFR indeed traces the accretion rate to within a factor of
two, but, given that our disks are poorly resolved, we focus here on
the accretion as the more robustly simulated quantity. Because at
z < 2.2 the star-forming galaxies constitute only a fraction of the
observed ,1011M[ galaxies24,25, the requirement for a SFR almost

as great as _MM , based on Fig. 4, becomes even stronger.
By analysing the clumpiness of the gas streams, using the sharp

peaks of inflow in the _MM(r) profiles, we address the role of mergers
versus smooth flows. We evaluate each clump mass by integrating
Mclump~

Ð
( _MM(r)=vr (r)) dr across the peak, and estimate a mass ratio

for the expected merger as m 5 Mclump/fbMv, ignoring further mass
loss in the clump on its way in and deviations of the galaxy baryon
fraction from fb. We use ‘merger’ to describe any major or minor
merger with m $ 0.1, as distinct from ‘smooth’ flows, which include
‘mini-minor’ mergers with m , 0.1. We find that about one-third of
the mass is flowing in as mergers and the rest as smoother flows.
However, the central galaxy is fed by a clump with m $ 0.1 less than
10% of the time; that is, the duty cycle for mergers is g= 0.1. A
similar estimate is obtained using EPS merger rates7 and starburst
durations of ,50 Myr at z 5 2.5 from simulations26 (Supplementary
Information, section 5).

From the difference between the two curves of Fig. 4, we learn that
only one-quarter of the galaxies with a given _MM are to be seen during a
merger. The fact that the SFGs lie well above the merger curve even if
the SFR is , _MM indicates that in most of them the star formation is
driven by smooth streams. Thus, ‘SFG’ could also stand for ‘stream-
fed galaxy’. This may explain why these galaxies maintain an
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Figure 1 | Entropy, velocity and inward flux of cold streams penetrating hot
haloes. a, b, Maps referring to a thin slice through one of our fiducial
galaxies with Mv 5 1012M[ at z 5 2.5. The arrows describe the velocity field,
scaled such that the distance between the tails is 260 km s21. The circle marks
the halo virial radius, Rv. The entropy, log K 5 log(T/r2/3), in units of the
virial quantities, highlights (in red) the high-entropy medium filling the halo
out to the virial shock outside Rv. It exhibits (in blue) three radial, low-
entropy streams that penetrate the inner disk, seen edge-on. The radial flux
per solid angle is _mm 5 r2rvr, in solar masses per year per square radian, where
r is the gas density and vr the radial velocity. It demonstrates that more than
90% of the inflow is channelled through the streams (blue), at a rate that

remains roughly the same at all radii. This rate is several times higher than
the spherical average outside the virial sphere, _mmvir < 8M[ yr21 rad22,
according to equation (1). The opening angle of a typical stream at Rv is
20u230u, so the streams cover a total angular area of ,0.4 rad2, namely a few
per cent of the sphere. When viewed from a given direction, the column
density of cold gas below 105 K is above 1020 cm22 for 25% of the area within
the virial radius. Although the pictures show the inner disk, the disk width is
not resolved, so associated phenomena such as shocks, star formation and
feedback are treated in an approximate way only (see density maps and
additional cases in Supplementary Figs 3–5). Kvir, virial entropy.

Figure 2 | Streams in three dimensions. The map shows radial flux for the
galaxy of Fig. 1 in a box of side length 320 kpc. The colours refer to inflow rate
per solid angle of point-like tracers at the centres of cubic-grid cells. The
dotted circle marks the halo virial radius. The appearance of three fairly
radial streams seems to be generic in massive haloes at high redshift, and is a
feature of the cosmic web that deserves an explanation. Two of the streams
show gas clumps of mass on the order of one-tenth that of the central galaxy,
but most of the stream mass is smoother (Supplementary Fig. 6). The
>1010M[ clumps, which involve about one-third of the incoming mass, are
also gas rich—in the current simulation only 30% of their baryons turn into
stars before they merge with the central galaxy.
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LAEsやLBGsのハロー質量	  
（ビリアル温度が~10^6	  K）	

LAEsやLBGsはちょうどモード
遷移のあたり？	

冷たいガス降着の条件	  
(Birnboim&Dekel	  2003)	

Dekel	  et	  al.	  (2009)	

Dekel&Birnboim	  (2006)	

ハロー質量、赤方偏移
に依存する	

16	

ビリアルショック後面の輻射冷却が	  
効くか効かないか	

ハ
ロ

ー
質

量
	

(中村さんトーク)	



冷たいガス降着は重要？	

*スターバースト	  
*クランピーディスク銀河	  
*高輝線幅LAE	  
*クエーサー形成	

The Astrophysical Journal Letters, 745:L29 (5pp), 2012 February 1 Di Matteo et al.

Figure 1. Projected gas density over the whole volume (“unwrapped” into two-dimensional) is shown in the large scale image at z = 5. The two overlaid panels show
successive zoom-ins by a factor of 10, centered on the region of the most massive BH. The dark color at high densities represents star-forming gas (Feng et al. 2011).
(A color version of this figure is available in the online journal.)

Figure 2. Projected gas distribution color coded by temperature around three example quasars (one in each row) across five different redshifts (labeled on each of the
five panels; left to right). The projected density ranges from ∼10−2 to ∼102 h M⊙ pc−2 and the temperature from ∼104 (blue colors) to 108 K (red colors). The quasar
positions are indicated by the green circles and the virial radius of the halo by the blue circles. The white points in the bottom panel show particles that are eventually
accreted onto the BH at z = 5, 6.
(A color version of this figure is available in the online journal.)

3

Figure 4. Evolution of the Lyα surface brightness of the MW Galaxy with redshift at z ∼ 14, 10.4, 8.5, and 6.2, respectively. The box size is 1 Mpc in the comoving
scale. The color indicates the Lyα surface brightness in log scale in units of erg s−1 cm−2 arcsec−2.

Figure 5. Lyα properties of the modeled galaxy from ~z 14 to ~z 6, including, in clockwise direction, star formation rate, emergent Lyα luminosity, equivalent
width of Lyα line in rest frame, and photon escape fraction of Lyα (filled circles) and UV continuum -(1300 1600) Å, open circles). Open triangles and squares
represent the modified Lyα properties considering the detection thresholds of the surface brightness with 10−18 and 10−19 erg s−1 cm−2 arcsec−2, respectively.

5

The Astrophysical Journal, 801:52 (11pp), 2015 March 1 Yajima et al.

6 Dekel et al.

The desired cumulative abundance n(>Ṁ), obtained by integration over the inflow rates
from Ṁ to infinity, is shown at z=2.2 in Fig. 4. Assuming that the SFR equals Ṁ , the curve
referring to Ṁ lies safely above the observed values, marked by the symbols, indicating that
the gas input rate is sufficient to explain the SFR. However, Ṁ and the SFR are allowed
to differ only by a factor of ∼2, confirming our suspicion that the SFR must closely follow
the gas-input rate. Because at z∼2.2 the star-forming galaxies constitute only a fraction
of the observed ∼1011M⊙ galaxies,25,26 the requirement for a SFR SFR almost as great as
Ṁ , based on Fig. 4, becomes even stronger.

Figure 4. Abundance of galaxies as a function of gas inflow rate, n(> Ṁ). Shown is the comoving

number density, n, of galaxies with inflow rate higher than Ṁ at z = 2.2, as predicted from our

analysis of the cosmological simulation. The upper curve refers to total inflow. It shows that

galaxies with Ṁ > 150M⊙ yr−1 are expected at a comoving number density n∼ 3×10−4 Mpc−3

(similar to estimates in other simulations27,28). Fluxes as high as Ṁ >500M⊙ yr−1 are anticipated

at n∼ 6×10−5 Mpc−3. The lower curve is similar, but limited to gas input by µ > 0.1 mergers.

The symbols represent the vicinity of where the observed massive star-forming galaxies can be

located once their observed SFR is identified with Ṁ . The sBzK/BX/BM galaxies are marked

SFG.11 The SMGs respectively brighter and fainter than 5 mJy are marked accordingly.11,10 We

see that the overall gas inflow rate is sufficient for the observed SFR, but the small margin implies

that the SFR must closely follow the rate of gas supply. Most of the massive star formers at a

given SFR are expected to be observed while being fed by smooth flows rather than undergoing

mergers. By studying the contribution of different halo masses to the abundance n(> Ṁ), we

learn that the high-SFR SFGs and SMGs are associated with haloes of mass 1012 − 1013M⊙ (SI,

Fig. 13).

High-redshift clumpy discs in simulations 2155

Table 1. Simulation details.

Comoving box size 28.57 Mpc
Number of DM particles 7 × 106

DM mass resolution 5.5 × 105 M⊙
Max. resolution (proper) 35–70 pc
Min. mass of a stellar particle 104 M⊙

hydrogen and helium, metals and molecular hydrogen, photoion-
ization heating by a UV background with proper self-shielding, star
formation, metal enrichment, stellar mass loss and stellar feedback.

In our stochastic star formation model, more than 90 per cent
of the stars form at temperatures well below 103 K and more than
half of the stars form below 300 K at gas densities higher than
10 cm−3. New stellar particles are generated at every time-step of
the zero-level grid, which is about 5 Myr at z = 2. We use a
‘constant’ feedback model, in which the combined energy from
stellar winds and supernova explosions is released as a constant
heating rate over 40 Myr, the typical age of the lightest star that
explodes as a type II supernova. The heating rate due to feedback
may or may not overcome the cooling rate, depending on the gas
conditions in the star-forming regions (Dekel & Silk 1986; Ceverino
& Klypin 2009). We also include the effect of runaway stars by
assigning a velocity kick of ∼10 km s−1 to 30 per cent of the newly
formed stellar particles. As a result, these stars can migrate ∼100 pc
away from the dense regions and explode as supernovae in regions
with lower densities and longer cooling times. This enhances the
efficiency of feedback in heating the surrounding gas. Finally, in
order to mimic the self-shielding of galactic neutral hydrogen from
the cosmological UV background, we assume that in regions where
the gas density is higher than n = 0.1 cm−3, the ionizing flux shrinks
to a negligible value (i.e. 5.9 × 1026 erg s−1 cm−2 Hz−1, the value
of the pre-reionization UV background at z = 8).

4 G L O BA L PRO P E RT I E S AT H I G H R E D S H I F T

Our analysis here focuses on the three simulated galaxies at z ∼ 2–
2.5, when the Universe was roughly 3 Gyr old. These redshifts are
in the middle of the redshift range 1.5–3 where the activity of disc
instability and star formation is expected to be at its peak, both ac-
cording to observations of SFGs and the predictions of DSC. Fig. 1
presents the gas surface density in galaxy C at z = 2.1. The face-on
view angle is defined by the angular momentum of the T < 104 K
gas inside a sphere of 3 kpc. The image shows an extended disc
of diameter ∼9 kpc and the 70 pc resolution reveals that the disc is
highly perturbed, with a few big, round clumps embedded in massive
elongated tangential features. The elongated structures are transient
features being disrupted by shear. The clumps are bound, with typ-
ical masses ∼108 M⊙ and characteristic sizes ∼1 kpc. About 10–
20 per cent of the total mass of the disc is in the clumps and sheared
features. This galaxy, like the other two, also has a stellar bulge, of
mass comparable to the overall disc mass. The very clumpy appear-
ance of this high-redshift disc and its massive bulge, which repeats
in the other two simulated galaxies, is revealed for the first time
in cosmological simulations. The first visual inspection indicates
that it resembles the clumpy appearance of the typical observed
SFGs, and follows the theoretical expectations laid out by DSC (see
Section 2).

Before we proceed to analyse the detailed properties of the sim-
ulated clumpy discs and bulges in comparison with the observed
SFGs and the theoretical predictions, we address the main global
properties of the dark-matter haloes and the stellar components in

Figure 1. Face-on gas surface density in galaxy C at z = 2.1. The image
demonstrates violent disc fragmentation into transient features and bound
clumps, resembling observed SFGs and theoretical expectations. The size of
the image is 15 × 15 kpc. Surface density is in units of log( M⊙ pc−2). For
comparison, the surface density of molecular clouds in low-redshift galaxies
is ∼100 M⊙ pc−2.

the simulated galaxies. We wish to verify in particular that they
are consistent with the observed global properties of high-redshift
star-forming galaxies, and their main scaling relations.

4.1 Virial properties of the dark-matter haloes

Table 2 displays the virial properties of the simulated haloes at z =
2.3. The virial radius Rv and the corresponding mass Mv are defined
to encompass a mean mass density of 180 times the universal mean,
and the virial velocity is V v ≡ (GMv/Rv)1/2. Haloes A and B are
similar, with Mv ≃ 4 × 1011 M⊙ and V v ≃ 150 km s−1, while
halo C is a bit more massive with Mv = 6 × 1011 M⊙ and V v =
180 km s−1.

Galaxy C has a growth history that differs from the other two. By
z= 2.3, its halo has already assembled about half the mass that it will
have at z = 1, while haloes A and B have assembled only a quarter of
their z = 1 mass. The growth of C is thus faster prior to z = 2.3, and
the growth of the other two is more rapid after z = 2.3. This reflects
the fact that halo C was forming in an environment of higher density.
The cosmological overdensity of matter in a concentric sphere of
comoving radius 5 h−1 Mpc about haloes A and B at z = 2.3 is only
δρ/ρ ≃ 0.07 and 0.02, respectively, while it is as high as δρ/ρ ≃
0.3 for halo C. This difference, representing the ‘cosmic variance’,
was set by our selection of haloes. We will see that the cosmic

Table 2. Global properties of the
host haloes at redshift z = 2.3.
Radii are expressed in proper kpc,
masses in units of 1011 M⊙ and
velocities in km s−1.

Galaxy Rv Mv Vv

A 70 4 150
B 68 3.5 140
C 83 6.1 180

C⃝ 2010 The Authors. Journal compilation C⃝ 2010 RAS, MNRAS 404, 2151–2169
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Maybe	  yes,	  because.. 	

観測的な証明は？　冷却光(Lya)、吸収線系(HI)?	



まとめと今後	

•  星形成	  
　高赤方偏移銀河内の星形成は近傍銀河とは大きく異なる可能性がある	  
高分解能シミュレーションor観測で分子雲の物理状態,	  
	  星形成効率を理解する事が重要	  
	  
•  フィードバック	  
　フィードバックは星形成領域のガスの状態（密度、温度、金属量）に依存	  
これらを理解し、どのようなフィードバックがいつごろ支配的か、そして星形
成史、銀河風への影響を解明する	  
	  
•  星間ガス	  
　高赤方偏移銀河内の星間ガス多相構造はまだ不明な点が多い。すばる、
ALMA、高精度シミュレーションを駆使して解明する事が望まれる	  
冷たいガス降着流は銀河進化に大きな影響を与える可能性がある。	  
	  しかし、定量的な調査はこれから	  



End	


